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Introduction

The sky appears to the terrestrial observer as an unchanging system, since the typical

time scale on which stars evolve is much larger than the human life time. In fact,

also the shortest living stars, i.e. the more massive ones 1, live a few million years,

thanks to the nuclear burnings which are very eÆcient energy producers. These

burnings can refurnish the stellar structure of the energy lost from the surface for a

time proportional to the amount of nuclear "fuel" present in the core; therefore stars

spend almost 90% of their life during the hydrogen burning phase. It follows that

a large fraction of the stars we observe at night, are burning hydrogen. In spite of

this, the more advanced burnings are of great importance, because they produce a

large fraction of the nuclides with mass larger than helium. This material is spread

in the interstellar medium either via stellar wind, or as a consequence of an explosion

when these stars form an iron core (type II supernova) or when they explode as type

I supernova.

Basic laws driving these events attain mainly to two branches of physics, astro-

physics and nuclear physics. The synergic e�orts in both theoretical and experimental

research in these two domains have given rise, in the last decades, to the fascinat-

ing interdisciplinary �eld of nuclear astrophysics. The work described in the present

thesis is intended to establish a modest contribution to the development of this �eld.

In particular we will focus our attention on two nuclear reactions: the �rst

one, 7Be(p; )8B, taking place in p-p III chain of hydrogen burning; the second,

12C(�; )16O, which is a key process in helium burning.

1Luminosity is proportional to the cubic mass.
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A general and brief discussion about stellar equilibrium equations, inputs physics

and mathematical tools needed to model the evolution of stars will be given in the

�rst part of chapter I, while in the second part the main nuclear processes in stellar

nucleosynthesis will be presented.

In the second chapter we will introduce the relevant nuclear inputs to evolutionary

models and discuss the experimental problems encountered in their measurement. A

more detailed description of the Recoil Mass Separator Method will be given in the

last part of this chapter.

If one admits that the transformation of four protons in a helium nucleus is the

basic mechanism by which the Sun replaces the energy lost from the surface (which

amounts to 3:82�1033 erg�s�1), one would expect a neutrino ux (due to the conversion

of two protons in neutrons for each of the nuclei produced). In the last forty years

�ve experiments have taken data in di�erent energy windows, and there is a clear

evidence that the neutrino ux measured on earth is smaller than expected. As

we will discuss in the third chapter, this discrepancy cannot be explained neither

by exotic solar models nor by new nuclear cross section measurements. A way to

reconcile neutrino observations with expected uxes is to invoke a theory beyond the

standard electroweak model. We will show in the �rst part of the third chapter how

the prediction of a particular theory of neutrino oscillation (MSW) are inuenced

by the reaction rate of 7Be(p; )8B, which is the most uncertain nuclear quantity in

solar standard models. Moreover, the reaction rate of 7Be(p; )8B has been measured

using a novel approach, the so called Recoil Mass Separator method, at the TTT-

3 accelerator of Naples. The aim of this experiment, started in 1995, was to obtain

a result not a�ected by some systematic uncertainties which could be present in

previous measurements. We will resume briey the advantages of this method and the

production of a 7Be radioactive beam together with the �rst measurements performed.

Then, the part of the experiment and the analysis which have been performed in the

framework of the present work will be described in detail in chapter III.
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The 12C(�; )16O process inuences the evolution of a star essentially in two re-

spects: �rst, it a�ects the He burning because it directly operates in this evolutionary

phase, and, second, it determines all the further evolution of a star because it con-

trols the chemical composition of the matter left by the He burning. Since all stars

more massive than, say, 0:55M� burn He, it is clear that the 12C(�; )16O process

will a�ect the evolution of stars in a very large mass interval. Theoretical e�orts

devoted to constrain the rate of this process on the basis of some "observables", as

the solar abundances of carbon and oxygen, are useless since, unfortunately, this pro-

cess works in a convective environment which may alter, also signi�cantly, the �nal

abundances of 12C and 16O. We will discuss in detail in chapter IV the inuence of

both the treatment of the convection and of the eÆciency of the 12C(�; )16O reaction

rate in the central He burning of stars in a large mass range. From an experimental

point of view, despite the enormous e�orts devoted to the measurement of this cross

section, the corresponding rate at astrophysical energies is still far from being well

established. We plan to measure the 12C(�; )16O using the same approach as above,

i.e. the Recoil Mass Separator in inverse kinematics. We will discuss the peculiarities

of this reaction which require a modi�cation of the apparatus and we will report on

the project of the new device which is being installed at the Dynamitron Tandem

Laboratory in Bochum (Germany). In the last part of the chapter IV we will describe

in detail some preliminary measurements performed in the present work, which char-

acterize the apparatus and allow a project of the experiment, which aims to extend

the explored energy range and to provide information both on the total cross section

and the E1 and E2 amplitudes.
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Chapter 1

Quiescent burnings and stellar

nucleosynthesis

The understanding of stellar evolution and nucleosynthesis largely improved in the

last 50 years, starting with the pioneering works of W. A. Fowler, G. R. Burbidge, E.

M. Burbidge and Hoyle [52, 41, 19]. We know the basic laws and the main physical

processes, which drive the evolution of stars. Unfortunately fundamental uncertainties

are still present concerning e.g. critical quantities as the opacity, the treatment of

convection and the reaction rate of processes involved in stellar nucleosynthesis. In

fact, in spite of enormous e�orts, the only nuclear reaction studied down to the energy

of the Gamow peak is the 3He(3He; 2p)4He [15].

In this chapter we will �rstly derive the physical equations and present the in-

put physics needed to follow the evolution of a star(sections 1.1 and 1.2); secondly,

we will describe the mathematical technique we chose to solve the stellar equations

(section 1.3); and, last, we will present the main nuclear processes which drive stellar

nucleosynthesis.

3
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1.1 Stellar evolution equations

Star may be modeled as self-gravitating spherical objects, in hydrostatic equilibrium.

This means that in every point the gravitational force (FG) must be equilibrated by

the pressure force (Fp) [24], for a generic volume dV of edge dr and surface dS and

mass dm:

G
Mr � dm

r2
= FG = Fp = (Pr+dr � Pr) � dS (1.1)

Substituting dV = dS � dr and dm = � � dS � dr we obtain the equation of hydrostatic

equilibrium:

dP

dr
= �G

Mr(r)�(r)

r2
(1.2)

The unknowns of this relation are P (r), Mr and �(r). The mass is obviously related

to the radius by the equation of continuity:

dM

dr
= 4�r2�(r) (1.3)

If the equation of state were just a relation between P and � (how it actually is in

some speci�c cases), the system would be closed. The equation of state introduces

another unknown, the temperature: one is forced to add a new equation.

In principle, the temperature gradient depends on the heat transport mechanism

which can be radiative, conductive or convective. In absence of convective motions

radiation is driven by photons and conduction by electrons; in absence of degener-

ation the �rst mechanism is much more eÆcient than the conduction. Therefore, if

the matter does not contribute to the transport, the temperature gradient is propor-

tional to the photon ux multiplied by the opacity (section 1.2) of the matter, which

measures the heat ux resistance (dT=dr / F � �). The photon ux depends on the

mean free path � and on the pressure gradient:

F = �c
dP

dr
= �c

4a

3
T 3dT

dr
(1.4)
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where c is the light speed. We have used the equation of state of an adiabatic

thermodynamic system (P = aT 4=3 see again section 1.2) and a is the black body

constant (a = 7:6 � 1010erg � cm�3K�4). From equation 1.4 one can easily obtain:

dT

dr
= �

3��(r)

4acT 3
F (1.5)

reminding that � = 1=(��).

Introducing the energy which following a spherical surface L(r) = 4�r2F (r) (lu-

minosity) equation 1.5 becomes:

dT

dr
= �

3�Lr�(r)

16�acr2T 3
(1.6)

The appearance of a further quantity, the luminosity, requires the inclusion of a

fourth equation, which is simply the energy conservation:

dLr

dr
= 4�r2�(r)� (1.7)

The variation of the energy dLr implies a production or a destruction of energy (�)

in the mass layer 4�r2�(r). In general three are the energy contributions: the energy

is produced (or consumed) by the nuclear reactions, the energy is lost via neutrino

emission and the gravitational energy changes.

Summarising, in order to study the stellar evolution in absence of convective

motions it is necessary to solve the 4 di�erential equation system:

1. hydrostatic equilibrium dP

dr
= �GMr(r)�(r)

r2
;

2. mass continuity
dMr(r)

dr
= 4�r2�(r);

3. radiative heat transport dT

dr
= � 3�Lr�(r)

16�acr2T3
;

4. energy conservation dLr
dr

= 4�r2�(r)�;

The unknowns areMr(r), P (r), Lr(r), T (r), �(r), �(r) and �(r). Therefore to solve the

system it is necessary to know some input physics: the equation of state P = P (�; T ),
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the opacity coeÆcient � = �(�; T ) and the energy coeÆcient � = �(�; T ). When

convection takes place the third equation changes, as we will see in section 1.2.2.

This system describes the equilibrium of a star at a certain time. The temporal

changing of the chemical composition within a star is described by the equations:

dYi

dt
=
X
j

ci(j)�jYi +
X
j;k

ci(j;k)�NA < �v >j;k YjYk +

X
j;k;l

ci(j;k; l)�
2N2

A < �v >j;k;l YjYkYl i = 1; � � � ;N (1.8)

which schematically describe the temporal variation of N nuclear species. The di�er-

ent terms stand for:

1. �-decays, electron captures and photo disintegrations;

2. two body reactions (for instance 12C(�; )16O);

3. three body reactions (for instance 4He(2�; )12C).

The coeÆcients ci are given by ci(j) = �Ni, ci(j; k) = �Ni=(Nj!; Nk!) and ci(j; k; l) =

�Ni=(Nj!; Nk!; Nl!), where Ni is an absolute number indicating how many particles i

are involved in the reaction, and Ni prevents double counting for reactions involving

identical particles. The sign depends on whether the particle i is produced (+) or

destroyed (-). As usual, � stands for the weak interaction or photo disintegration

rate, while NA < �v > stands for the two - or three - body reaction rate (see cap.

2).

1.2 Input physics

As mentioned above, the integration of the equations of the stellar equilibrium requires

the knowledge of the equation of state, opacity, energy losses and energy gains as a

function of temperature, density and chemical composition in the typical condition

met in the interior of a star.
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1.2.1 Equation of state and opacity

The plasma stellar pressure can be divided in three components: the ion pressure,

electron pressure and radiation pressure

P = Pi + Pe + Pr (1.9)

Usually the �rst two terms are called gas pressure. If the Coulomb interaction energy

is negligible compared with the kinetic energy, then ions and electrons of the stellar

plasma can be considered as free non interacting particles. The condition is:

kT >>
(Ze)2

d
(1.10)

where d is the particle average distance. If we consider ions, the density is:

� = Ni�H (1.11)

Ni � ions number per unit volume

� � ions molecular weight

H � hydrogen weight

Assuming di;i as ion-ion average distance, then Ni = 1=d3i;i; and:

di;i = (
�H

�
)1=3 (1.12)

Now it is possible to re-write the condition:

� << 4 � 10�14
T 3

Z6
gr cm�3 (1.13)

which is largely satis�ed during hydrogen burning (T � 107K ;Z = 1 =) � <<

4 � 107gr cm�3) and helium burning (T � 108K ;Z = 2 =) � << 6 � 109gr cm�3),

but not during carbon burning (T � 109K ;Z = 6 =) � << 8 � 108gr cm�3). For

electrons it is enough to underline that the density to compare will be larger, since

the distances and the Coulomb attraction decreases.
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Stellar plasma is a particle gas and using statistical mechanics it is possible to

deduce particle numbers and internal energy [68]:

N =

Z 1

0

f(p)g(p)dp (1.14)

E =

Z
1

0

"pf(p)g(p)dp (1.15)

p � is the momentum

"2 = p2c2 +m2c4 is the particle energy

f(p) � is the probability of "p energy state

g(p)dp = gs
V 4�p2

h3
dp is the state density between p e p+ dp

Using the �rst law of thermodynamics:

dE = TdS � PdV + "�dN (1.16)

then:

P = �(
@E

@V
)S;N = �(�

1

3V
)

Z 1

0

4�p3vpf(p)gs
V

h3
dp (1.17)

d"p
dV

=
d"p
dp

dp
dV

= pc2

"p
(� p

3V
)

vp =
pc2

"p

The function f(p) de�nes the distribution:

f(p) =
1

e
"p�"�

kT + 1
=) Fermi�Dirac particles (1.18)

f(p) =
1

e
"p�"�

kT � 1
=) Bose� Einstein particles (1.19)

Both distributions for f(p) << 1 approach the one for classical (or Maxwell-

Boltzamann) particles:

f(p) �= e�
"p�"�

kT (1.20)
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In this condition:

P = �(�
1

3V
)e�

mc
2
�"�

kT

Z 1

0

4�p4e�
p
2

2mkT gs
V

mh3
dp =

= kTe
"��mc

2

kT gs
(2�mkT )3=2

h3
(1.21)

using:

N = e
"��mc

2

kT gs
V (2�mkT )3=2

h3
(1.22)

we obtain:

P =
kTN

V
(1.23)

which is the perfect gas equation.

Quantistic degeneration appears if particle wavelength is of the same order of

magnitude as the particle distance (� = ~=p � di;i). It is easy to show that electrons

are the �rst to feel quantistic e�ects. In fact, from the equipartition energy principle

miv
2
i = mev

2
e , it follows that:

pi = (
mi

me

)1=2pe: (1.24)

Since ion mass is 1836 times larger than electron mass, then electron wavelength is

always much larger then ion one.

Assuming classical non interacting particles, gas pressure is:

Pgas = Pi + Pe =

�
Ni +Ne

V

�
kT = (ni + ne)kT =

k�T

�iH
+
k�T

�eH
(1.25)

Using X, Y and Z for chemical abundance of hydrogen, helium and heavy elements,

the previous formula for fully ionized matter becomes:

Pgas =
k�T

H

�
2X +

3

4
Y +

Z

2

�
(1.26)

Radiation pressure is due to photons, which are Bose-Einstein particles and using

equations 1.17 and 1.19:

Prad =
1

3

Z 1

0

h�n(�)d� =
8�

3c3

Z 1

0

h�
�2

e
h�

kT � 1
=
a

3
T 4 (1.27)



10

where a = 8�k4

15h3c3
.

Reassuming, the pressure for classical free no interacting particles is:

P = Pgas + Pr =
k�T

�iH
+
k�T

�eH
+
a

3
T 4 (1.28)

The value of equation of state (EOS) used for stellar calculation is the one de-

scribed by [98] and updated by [94]. Above Log T = 6:0 the matter is assumed to be

completely ionized, while below such a value partial ionization is taken into account.

In the high temperature regime the electron degeneracy, relativistic e�ects, electron

positron pair creation and Coulomb interactions are taken into account. Below such

threshold temperature value the ionization stage of both the nuclei and the molecules

are derived from the classical Saha equation.

We have already mentioned the existence of a thermal gradient which implies an

energy ux, whose largest part is transported by photons. Photons can interact with

the matter and the opacity (�) is a parameter related with the number of interaction

per length unity �� � 1=�, where � is the density and � free mean path. The

interaction mechanisms briey are:

� Electron Scattering: photon di�usion from free electron in stellar plasma. Two

are the possible approximations: Thompson Scattering, non-relativistic isotropic;

Compton Scattering, relativistic.

� Bound-bound processes: photon absorption from a bound electron which gains

energy still remaining bound.

� Bound-free processes: photon absorption from a bound electron which becomes

free, this is the well known photoelectric e�ect.

� Free-free processes: photon absorption from a free electron.

Theoretical calculations of opacity is complex, since one must know in detail the

equation of state, the electron distribution and all the possible quantistic correction

for photon-matter interaction. Experimental tabulations were done during nuclear
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explosion tests in Los Alamos [53] which give opacities for di�erent chemical com-

positions varying � and T . In 1992 new tabulations appeared from Roger & Iglesias

[88].

The radiative opacity coeÆcients are derived from [67] for T � 104 K, from [56]

(OPAL) for 104 K < T � 108 K, and from the Los Alamos Opacity Library (LAOL)

[53] for 108 K < T � 1010 K. The heavy element solar mixture of [48] has been

adopted. The opacity coeÆcients due to the thermal conductivity are derived from

[58].

1.2.2 Schwartzschild criterion for convection

The set of equations discussed in section 1.1 have been obtained under the assump-

tions that all the energy is transported by the photons. This is not always true. Let

us consider an element of matter, a bubble, and let move it, e.g. upwards, adia-

batically. Since the bubble must remain in hydrostatic equilibrium, the pressure of

the surface of the bubble must equate that of the surroundings, i.e. the relation:

Pb = k�bTb
�mH

= Ps = k�sTs
�mH

must be veri�ed, which means that �bTb = �sTs. This

means that, if the temperature of the matter with in the bubble is lower than in the

surrounding its density will be larger and hence the bubble will fall back toward its

initial position: the layer is in this case stable with respect to the grow of convective

motions. On the contrary, if the temperature in the bubble is larger, the density will

be smaller and the bubble will be accelerated away from its equilibrium position. In

this case convective motions form. Hence, in a chemically homogeneous region, the

condition for the growth of convective instabilities may be written as:

���� dr

Td lnP

dT

dr

����
rad

=

����d lnTd lnP

����
rad

= 5rad > 5ad =

����d lnTd lnP

����
ad

(1.29)

This is usually called the Schwartzschild criterion for the stability analysis of the

various layers within a star. If the composition of the layer is not homogeneous

but there is a gradient of chemical composition, then the criterion for the growth of
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convective instabilities becomes:

5rad > 5L = 5ad +
d lnT

d ln�

d ln�

d lnP
(1.30)

In any case since the convective bubbles transport heat very eÆciently it can be

assumed, from a practical point of view, that the adiabatic gradient is the "real" one

in presence of convective motions. In this case the equation 1.5 becomes:

d lnT

d lnP
= 5ad (1.31)

1.2.3 Energy coeÆcient

Whenever in the star a neutrino is created, it escapes from the surface subtracting

energy to the structure. Generally speaking, stellar neutrinos can be divided into two

groups: the ones due to interaction between matter and radiation (thermo neutrinos),

and the ones due to nuclear reactions (��decays and electron captures).

The processes which belong to the thermo neutrinos are:

�  + e� ! e� + � + � photo-neutrino;

� e+ + e� ! � + � pair-neutrino;

� plasma ! � + � plasma-neutrino;

� e� + Z ! e� + Z + � + � bremstralung-neutrino.

Figure 1.1 [49] shows where the above processes are active in the density temperature

plane. In the code which we have used, the energy loss due to photo, pair and plasma

neutrinos are properly taken into account following [74] (corrected as reported by

[75]). The Weinberg angle is also taken from [74] where three neutrino avors are

included. Bremsstrahlung neutrinos are taken into account following [35] (corrected

by [85]) who extended the results obtained by [38] by the inclusion of the neutral

current e�ects. The energy loss due to the recombination processes are included

following the prescriptions of [13]. The other neutrino processes are enclosed in the

more general nuclear treatment.
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Figure 1.1: The �gure rapresents in the Log(t)�Log(�) plane the zones in which

the neutrino processes take place.

Though we will fully discuss nuclear energy generation rates in chapter 2, let

us here briey remind that the evolution of the model presented in this thesis has

been obtained by adopting a network including N = 149 nuclear species ranging from

neutron up to 67Zn. This network is well suited for all the advanced nuclear burnings,

ranging from carbon to silicon included. Each isotope is linked to its neighbors by

means of all possible binary interactions involving the capture or the release of a

proton, neutron, �-particle or photon. In addition to that, all possible links due to

the weak interactions (electron or positron captures and �-decays) are taken into

account. Also included are the triple-�, 12C+12C, 12C+16O and 16O+16O reactions.

Nuclear reaction cross sections (see next chapter) for strong and electro-magnetic

interactions are computed using Thielemann prescriptions, using his tabulation. In

particular the reactions are:

� �-decays, electron captures (a! b);

� photo disintegrations and neutron � emissions (a! b + c);
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� three body inverse reactions and two neutrons � emission (a! b + c+ d);

� charged particle captures with photon  emission (a+ b! c);

� charged particle captures with charged particle emission p; n, or � (a + b !

c+ d);

� charged particle captures with two charged particle emission p; n, or � (a+b!

c+ d+ e);

� charged particle captures with three charged particle emission p; n, or � (a+b!

c+ d+ e+ f);

� three body reactions (a+ b + c! d (+e));

In Thielmann tabulation most recent experimental [26, 107, 10, 105, 71] and the-

oretical data [103, 29] are collected for nuclear cross sections with masses included

between 1 � A � 106. Data are organized in tables and for each process seven

coeÆcients are given for the interpolating formula of the astrophysical factor:

S = exp[A1 +
A2

T9
+

A3

T
1=3
9

+ A4 � T
1=3
9 + A5 � T9 + A6 � T

5=3
9 + A7 � ln(T9)] (1.32)

where T9 = T=109 K.

Using this formula experimental data are reproduced in the range of temperature

107 K � T � 1010 K with 1% of accuracy in the largest part of reactions. Theoretical

data are computed in the temperature range 108 K � T � 1010 K and can be

extrapolated up to 107 K. As we will see in details in the fourth chapter, we use for

the 12C(�; )16O cross section also data from [25].

Electronic decay and capture rates are computed using the work of Fuller, Fowler

and Newmann [42], for nuclides with mass number 21 � A � 60 and Thielemann

tabulations for the other nuclides. Screening e�ects are taken into account using

formulations of Graboske, De Witt, Grossman e Cooper [47, 34] and Itoh, Totsuji ed

Ichimaru [59, 60].
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1.3 The stellar evolution code FRANEC

All the calculations necessary for this thesis, have been obtained by means of the

FRANEC code (Frascati RAphson Newton Evolutionary Code) [28, 27]. In the fol-

lowing sections we will briey describe the main features of this code.

The stellar model is divided in three portions. The most external layers is the

atmosphere, where each photon has the probability to undergo at most one inter-

action before leaving the star. This propriety de�ne the optic thickness � , which is,

also, the natural integration variable within atmosphere. Since in this external layer

Mr = M , Lr = L and r = R, the equations to solve become:

dP

d�
=

g

�(�; T )

T = T (�; Teff)

P = P (�; T )

where g is the gravity acceleration on the star surface and Teff is the temperature

at � = 2
3
(e�ective temperature). In the black body approximation it is possible to

de�ne the so called "gray atmosphere", and above equation becomes:

T 4(�; Teff ) =
1

2
T 4
eff (1 +

3

2
�)

A more detailed approximation is the semi empirical one given by B�ohm-Vitense,

which takes in to account the Balmer absorption line using solar observations:

T (�) = T 4
eff [

3

4
(
T 0
eff

Teff
)4(� + 0:727� 0:146e�2:542� )� B e�30� ] (1.33)

where

T 0
eff

Teff
= 1:17(Teff � 10�4 � 1:1)4 + 1:046

B = 0:440(
T 0
eff

Teff
)4 � (

T�

Teff
)4

In some stellar codes the values of the parameters at the base of the atmosphere are

given as an input boundary condition, using the results of the integration of a set of

model atmospheres.
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When � = 2=3 begins the second layer of the star (sub atmosphere), which has

the pressure, as natural variable of integration, and which includes the 0:1 % of the

stellar mass. In this point it is, also, de�ned the e�ective temperature Teff of a star

by the relation:

L = 4�R2�T 4
eff (1.34)

The remaining 99:9 % is integrated using the lagrangian coordinate mass. In the sub

atmosphere and in the interior we solve the complete set of equation, which are:

dP

dMr

= �
GMr

4�r4

dr

dMr

=
1

4�r2�

dT

dMr

= 5
GMrT

4�R2P
dLr

dMr

= �grav + �nucl + ��

dYi

dt
=

X
j

ci(j)�jYi +
X
j;k

ci(j; k)�NA < �v >j;k YjYk +

X
j;k;l

ci(j; k; l)�
2N2

A < �v >j;k;l YjYkYl i = 1; � � � ; N

The boundary conditions are:

for m = 0 =) Rm(0) = 0 Lm(0) = 0

for m = M =) Pm(M) = Patm Tm(M) = Tatm

for t = 0 =) Yi(t = t0) = Y 0
i i = 1; � � � ; N

These boundary conditions are placed partly at the center and partly on the surface

of the star, so that we need to integrate both from center and surface, using 4 testing

starting values for the unknown parameters Tc, Pc, L and R. The numerical technique

used to solve the system is the so called Raphson-Newton method. For this purpose

we divide the model in n meshes and in each mesh we have to zero the Æi;k which are
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(Henyey technique):

dP

dM
+

GM

4�r4
' (Pk+1�Pk)

Mk+1�Mk

� GMk

4�r4
k

= Æ1;k

dr

dM
+ � � � � � � ' � � � � � � � � � � � � � � � = Æ2;k

dT

dM
+ � � � � � � ' � � � � � � � � � � � � � � � = Æ3;k

dL

dM
+ � � � � � � ' � � � � � � � � � � � � � � � = Æ4;k

dYi

dt
+ � � � � � � ' � � � � � � � � � � � � � � � = Æ4;k

To do this we have to solve the system formed by N + 4 equations in N + 8

unknowns whose template is given by:

ÆEi
k =

NX
j=1

@Ei
k

@Yj;k
ÆYj;k+

@Ei
k

@Rk

ÆRk +
@Ei

k

@Lk

ÆLk +
@Ei

k

@Pk
ÆPk +

@Ei
k

@Tk
ÆTk+

@Ei
k+1

@Rk+1

ÆRk+1 +
@Ei

k+1

@Lk+1

ÆLk+1 +
@Ei

k+1

@Pk+1

ÆPk+1 +
@Ei

k+1

@Tk+1
ÆTk+1 = ��i

k

i = 1; � � � ; N + 4 (1.35)

where �i
k is the di�erence between the two members of the i � th linearized equa-

tion which must be zeroed in order to solve the system. The �rst N terms are the

derivatives of the equations with respect to the N isotope abundances, while the next

8 terms are the derivatives of the equations with respect to the physical variables

(R; L; P and T ) corresponding to the adjacent mesh points k and k+1. The chem-

ical composition, between two adjacent mesh points k and k + 1, is assumed to be

constant and equal to the one corresponding to the mesh k.

1.3.1 Convection treatment

Convective regions are �xed by means of the Schwarzschild (or Ledoux) criterion.

Chemical mixing in the convective regions is usually obtained by assuming �mix <<
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�burn, so that one can write for each isotope:

Y i =
1

�MC

X
k

Yi;k + Yi;k+1

2
(Mk+1 �Mk) (1.36)

where k is kth mesh in which the convective shell is divided.

This assumption is true during the H and He burnings which are the longest

phase of stellar evolution, but not during advanced phases where �mix � �t and

�mix � �n. To solve the �rst problem it is possible to add a coeÆcient proportional to

the exponential of the ratio between mixing time scale �k;jmix of generic k and j meshes

and stellar time scale �t [92]:

Yi = Y o
i +

1

�MC

X
j

(Yi;j � Yi;k)(Mk+1 �Mk)e
��

k;j

mix
=�t (1.37)

where Y o
i;k is the initial of isotope i. If �mix � �t the exponential term is 1 then eq.

1.37 is equal to the 1.36 (at mixing), otherwise a partial mixing occurs. The mixing

time between two adjacent k e j convective meshes is:

�k;jmix '
j Rj � Rk j

vk;j
(1.38)

where vk;j =
vk+vj

2
is the convective bubble average velocity.

To solve correctly the second problem one should couple mixing and nuclear burn-

ing, introducing in the equation 1.8 another term, i.e. the di�usion one. Equation

1.8 should be rewritten as:

dYi

dt
=

�
@Yi

@t

�
nuc

+
@

@M

�
(4�R2�)2D

@Yi

@M

�
(1.39)

Parameter D is the so called di�usion coeÆcient, which is almost a free parameter

since there is no observational possibility to measure it.

An e�ective way in which it is possible to simulate the coupling between mixing

and nuclear burning is to �rstly mix the matter according to eq. 1.36 and then to

further evolve locally the matter for a timescale �� equal to �mix. In this way the

isotopes where burning timescale is shorter than mixing turnover time will settle at

the local equilibrium, while those for which �nuc >; �mix will be practically una�ected

by this further local evolution.
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1.4 The stellar nucleosynthesis

In this section we will discuss the main nuclear processes which occur during the

evolution of a star to underline how much the evolution and our knowledge of the

stellar physics depends on the nuclear reaction rate adopted. We will study in depth

these interconnections in the third and fourth chapters by means of two particular

processes: the reaction 7Be(p; )8B which takes place in the hydrogen burning; and

of the reaction 12C(�; )16O which takes place in the helium burning.

The �rst reaction plays a key role, since the following boron decay produces an high

energy neutrino (E� � 15MeV ), which is measured by Superkamiokande experiment

(see chapter 3). A change in the value of the cross section of this reaction could be

crucial to understand if we need physics beyond the standard electroweak model to

change the neutrino energy spectrum once the neutrinos are produced in the center

of the sun.

The second is one of the most studied and unknown reactions in nuclear astro-

physics �eld and it plays a key role in determining the advanced evolutionary phases

of a star. The carbon and oxygen abundances at the end of helium burning, in fact,

drastically depend on the adopted values of the reaction rate. The choice of a given

value means the choice of an evolution with more or less oxygen in the advanced

burnings. How we will largely discuss in chapter 4 this is a crucial point in stellar

evolution. In addition to that we will discuss also the possibility that a better mea-

surement of 12C(�; )16O reaction rate could constrain our knowledge about the real

extension of the convective core.

Coming back to the purpose of this section we will describe the quiescent nu-

cleosynthesis which starts thanks to the protostellar contraction, which strongly in-

creases the gas pressure. Once the star reaches the hydrostatical equilibrium, the

virial theorem becomes 2K + 
 = 0. If E = K + 
 is the total energy, substituting

in the virial relation, we obtain:

E =
1

2

 (1.40)
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When the star contracts, as the gravitational energy decreases by an amount �
,

the total energy decreases by �E = 1=2�
 and the kinetic energy increases by

�K = �1=2�
. This means that one half of the energy is radiated and one half

is needed to increase the temperature. This is the Premainsequence (PMS) phase

and the characteristic time scale is the thermodynamic one, de�ned by the Kelvin-

Helmoltz formula tKH = GM2

RL
(� 107yr). During the PMS the central temperature

increases, reaching the condition to burn Deuterium, Berillium, Boron, Lithium and

3He. These elements reach the equilibrium abundances before the reaction p+p

starts, since this is a weak process which needs a higher temperature to become

eÆcient. Thanks to this property and to the initial mixing, it is possible to follow the

star evolution starting from the end of PMS choosing a mass and an initial chemical

composition.

1.4.1 Hydrogen burning

The contraction ("gravitational") phase ends when the progressive increase of the

temperature allows the fusion of four protons in He nucleus. This process is energetic

enough that the star stops contracting on a thermal timescale and a long lasting

phase begins in which the energy losses from the surface are replaced by the energy

produced by the fusion of protons in He: this is the so called Main Sequence (MS)

phase. Since a long time it has been recognized that the fusion of the hydrogen in

He may occur by means of two di�erent sequences of processes: the pp chain and the

CNO cycle. The two sequences are shown in �g 1.2 and �g. 1.4, respectively. Fig.

1.3 shows the eÆciencies of the two sequences as a function of the temperature. The

pp chain becomes eÆcient well before the CNO cycle because the Coulomb barrier is

much lower in this case but it does not increase very much with temperature (because

the leading reaction is mediated by a weak process which is mildly dependent on the

temperature). In the CNO cycle, vice versa, the processes are characterized by a

stronger Coulomb barrier so that it becomes eÆcient at temperature larger than the

pp chain but it increases much more steeply with the temperature. Let us look each
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p-p CHAIN

p + p → 2H + e+ + νννννννν p + e- + p → 2H + e+ + νννννννν

2H + p → 3He + γ

3He + 3He → 4He + 2p  3He + 4He → 7Be + γ

7Be + e- → 7Li + νννν 7Be + p → 8B + γ

7Li + p → 8Be   8B → 8Be + e+ + νννννννν

8Be → 2 4He 8Be → 2 4He

99.75%99.75% 0.25%0.25%

86%86% 14%14%

99.89%99.89% 0.11%0.11%

CHAIN I              CHAIN II           CHAIN IIICHAIN I              CHAIN II           CHAIN III
QQeffeff = 26.20 = 26.20 MeV        QMeV        Qeffeff= 25.66 = 25.66 MeV     QMeV     Qeffeff= 19.17 = 19.17 MeVMeV
EEνννννννν

lossloss= 2%  = 2%  EEνννννννν
lossloss= 4% = 4% EEνννννννν

lossloss= 28.3% = 28.3% 

Figure 1.2: The �gure shows all the reactions of the p-p chain. The reactions

are divided in the three chains which are the route followed to transform four

protons in one helium nucleus.
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Figure 1.3: Comparison between the energy produced in the p-p chain (�n =

�X2T 4) and CNO cycle (�n(CNO) = �XZCNOT
18).

of these sequences more closely.

When the center of the star reaches a temperature � 6 � 106K the proton-proton

reaction rate becomes signi�cant; the deuterium so produced reacts with the proton

sea giving 3He, which, in turn, can react with the protons, 3He and 4He present in the

environment. The proton capture has a very low cross section and it is neglected in

the chain, but how we will see in chapter 3 this reaction produces a very high energy

neutrino. The reaction 3He+3He, produces a helium nucleus and two protons (chain

I); the 3He +4 He produces 7Be, which is the �rst reaction of the second branch of

the p-p chain. The 7Be in unstable and it decays via electron capture in 7Li and

a neutrino of 0:38MeV or 0:86MeV . It can also capture a proton, with a much

smaller probability, producing 8B, which decays in 8Be producing a positron and a

high energy neutrino(0MeV < E� < 15MeV ), which is visible by Kamiokande. The

8Be at once decays in two 4He, ending the third chain of the p-p. Coming back to

the second chain, the 7Li captures a proton producing 8Be which, as before, decays
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producing two helium nuclei.

The �nal result in all the three cases is the transformation of four protons in one

helium nucleus, with the release of an amount of energy of Q = 26:75MeV . Since,

however, the energy lost via neutrino emission depends on the speci�c chain, we must

consider three di�erent Q values corresponding to a speci�c branch; in particular one

has that:

� pp I Qeff = 26:2MeV ;

� pp II Qeff = 25:66MeV ;

� pp III Qeff = 19:17MeV .

A discussion of the solar neutrino uxes related to the reaction 7Be(p; )8Be will be

the subject of chapter 3.

As the central temperature increases the hydrogen burning via CNO cycle becomes

more eÆcient. In fact when TC � 15 � 106K the carbon present in the star can react

with the sea of protons, producing 13N , which decays in 13C which, in turn, captures

another proton. As it is possible to see below at the end of this �rst part of the cycle

four protons are transformed in one helium nucleus:

I CN

8>>>>>>>>>>>>><
>>>>>>>>>>>>>:

12C + p ! 13N + 

13N ! 13C + e+ + �

13C + p ! 14N + 

14N + p ! 15O + 

15O ! 15N + e+ + �

15N + p ! 12C + � 99%

! 16O +  1%

The sum of the starting abundance of carbon and nitrogen remains constant through

the cycle. Since the 14N(p; )15O has the lowest cross section in this cycle at the end

of the hydrogen burning almost all carbon is transformed in nitrogen. The time-scale

of the cycle is lower than the p-p one and it is larger than million of years. When TC
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CNO CYCLESCNO CYCLES
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Radioactive

Cold
Hot
Break out

12C 15N 16O 18O 20Ne19F

13C 14N 17O 18F 20Na19Ne
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(p,γ)γ)γ)γ) (p,γ)γ)γ)γ) (p,γ)γ)γ)γ)
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(p,α)α)α)α)
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(p,α)α)α)α)
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1.1⋅109 y

2.1⋅1012y

2 m

1⋅108 y

10 m

64 s

Figure 1.4: Each reaction of the CNO cycles are shown with all the possible hot

shotcuts (red line) and the breack out (green line).

reaches 20 � 106K also the NO part of the cycle starts with the proton capture of the

oxygen:

II NO

8>>>>><
>>>>>:

16O + p ! 17F + 

17F ! 17O + e+ + �

17O + p ! 14N + �

! 18F + 

Two protons and one oxygen nucleus are transformed in one helium and nitrogen

nuclei. The last two possible cold cycles are:

III

8>><
>>:

18F ! 18O + e+ + �

18O + p ! 15N + �

! 19F + 

IV

(
19O + p ! 16O + �

! 20Ne + 
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In �gure 1.4 all the possible reactions are drawn considering also the possible hot

shortcuts. Total result of the cycle is, as in the p-p chain, the transformation of four

proton in one helium nucleus. It is important to underline that the cycle increases

the initial abundance of nitrogen.

As already discussed, the energy rate of the CNO cycle increases with the tem-

perature much more than that of the p-p chain: in fact the two relations are:

�n(CNO) = �XZCNOT
18 (1.41)

�n(p� p) = �X2T 4 (1.42)

This means that when the central temperature exceeds 15�106K the hydrogen burning

occurs via the CNO cycle (see �g. 1.3). The low mass stars, which burn hydrogen

via the pp chain, have a thermal gradient not large enough to induce convective

instability; therefore the core of those stars will be radiative. On the contrary stars

which burn hydrogen via the CNO cycle form a convective core.

1.4.2 Helium burning

When TC exceeds 108K the fusion of two � particles can be followed by the capture of

another � particle, before 8Be decays. This is the �rst reaction of the helium burning

and it can be interpreted as a three body reaction between 3� nuclei, because of the

very short life time of 8Be. The carbon produced by this reaction can capture another

� particle forming an oxygen nucleus.

The 12C(�; )16O is, together to the triple-� reaction, the most important process

in the helium burning. In general, in the �rst part of helium burning, since the 12C

density is too low, the only active process is the triple-� reaction. In the last part

of the helium burning the leading process is the 12C(�; )16O reaction. The larger is

the reaction rate of this reaction the larger is the helium burning time, because the

Q value of the two processes is very similar but the 12C(�; )16O consumes only one

� particle instead of the 3 which are consumed by 3� reaction. The 12C(�; )16O is
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101088 < T< TC C < 3.5< 3.5··101088

αα + + αα →→ 88Be + Be + αα →→ 1212C + C + αα →→ 1616OO
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Figure 1.5: The main reaction of the Helium burning with the nuclear levels of

the particles involved.
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a crucial reaction to understand the last stages of the stellar evolution (see chapter 4

and �gure 1.5).

The complete set of reactions which take place during the helium burning are:

He burning

8>>>>>>>><
>>>>>>>>:

3� ! 12C + 

12C + � ! 16O + 

16O + � ! 20Ne + 

20Ne + � ! 24Mg + 

24Mg + � ! 28Si + 

In addition to this main channel the � capture by a 14N is also possible, and a

sequence of processes activate:

14N + � ! 18F + 

18F + �+ ! 18O + �

18O + � ! 22Ne + 

22Ne + � ! 25Mg + n

! 26Mg + 

Note, by the way, that the process 22Ne(�; n)25Mg is one of the main producers

of neutrons.

At the end of the core helium burning the chemical composition of the exhausted

core will be dominated by the C and O in a ratio which depends on the 12C(�; )16O

reaction rate plus a very small fraction of 20Ne, 24Mg and 28Si.
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1.4.3 Advanced burning and the end of hydrostatic equilib-

rium

When the central temperature reaches 0:8 � 109K the central carbon burning takes

place. The carbon burning main reactions are:

12C(12C; �)20Ne

23Na(p; �)20Ne

%
12C(12C; p)23Na

&
23Na(p; )24Mg

At the end of the burning almost all of the carbon nuclei are transformed in 20Ne,

while only a small fraction of 24Mg is produced. Note, however, that this fraction

grows proportionally with the initial amount of 12C.

Neon burning starts when TC reaches about 1:2 � 109K. The main reactions of

neon burning are:

20Ne(; �)16O

20Ne(�; ) (�; )

& % &
24Mg 28Si

% & %
21Ne(�; n) (n; )25Mg(�:n)

At the end of this burning almost all the neon nuclei are transformed in oxygen

with some amount of 24Mg and 28Si, which depends on the initial Ne abundance.

When the TC raises above 2:5 � 109K the oxygen burning starts. All the oxygen is

transformed in 28Si, 30Si, 32S and 34S and its duration is about one year.

The last quiescent burning involves the silicon and it begins when TC � 3:5 �109K.

The typical time-scale of this burning is of the order of the months. This last burning
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produces an iron core of almost 1:5M�. At this moment the star appears as an onion,

where the various layers keep memory of the burnings occurred locally: moving from

the center outward lighter and lighter elements are present starting from silicon up to

the hydrogen. As we will see in the third chapter it is very important to understand

how these layers are interconnected and how much the thickness and spatial location

of the layers depend on the reaction rate of the 12C(�; )16O.

Once the central temperature exceeds 5 billion degrees, the idea of "real" processes

which change the chemical composition of the matter becomes meaningless. The

matter settles in a condition called Nuclear Statistical Equilibrium in which all the

(strong) direct and reverse reactions are at the equilibrium. Since the changing of the

NSE distribution with the temperature requires the absorbtion of energy, indeed of a

release, a collapse of the core starts. This collapse ends when the matter reaches the

nuclear density; at this stage a rebound occurs which leads to a shock wave moving

outward. In a very small time (less the 1 s) almost 1053erg of energy are produced:

� 99% of the energy is lost via neutrinos;

� 0:99% (1051erg) is used to expel the envelope;

� "only" 0:01% (1049erg) are shined on as visible photons.

Before closing this section we briey schematize the kind of burnings which are

experienced by the stars in the various mass ranges:

� if M � 0:1M� ! the star is not able to ignite the hydrogen. The contraction

stops when the interior of the star crystallizes (brown dwarfs and planets).

� If 0:1M� � M � 0:5M� ! the star burns the hydrogen, but it can not ignite

the helium (helium white dwarf).

� If 0:5M� < M � 8M� ! the star burns the hydrogen and the helium and

ends its life as a CO white dwarf.



30

� If M > 8M� ! the star can proceed through all the various burnings and

eventually explode as a type II Supernova.



Chapter 2

The measurement of nuclear

reaction rates

In the previous chapter we have described in detail the stellar evolution laws and we

have shown the importance of the nuclear energy coeÆcient. It is one of the most

important ingredients in the input physics to evolutionary models (section 1.2).

In this chapter we will remind briey the basic laws which drive nuclear interac-

tions in the stars (2.1, 2.2) and the basic measurement techniques (section 2.3). In the

last section we will focus our attention on the Recoil Mass Separator method, which

is the technique adopted for the measurement of the cross section of 7Be(p; )8B and

12C(�; )16O reactions.

2.1 Nuclear energy coeÆcient

Nuclear reactions are the "engine" which supplies the stellar "machine"; therefore,

the understanding of stellar evolution largely depends on our knowledge on nuclear

reaction rates. If we consider the strong interaction between nuclides (1+2! 3+4),

then, using energy conservation, the energy consumed or produced by the reaction is:

Qn = (Mn;1 +Mn;2 �Mn;3 �Mn;4)c
2 (2.1)

31
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where Mn;i are the masses of the interacting particles. The main reactions in the

stellar burnings, which involve particles lighter than iron, are esoenergetic (Q > 0).

This occurrence allows stars to stop gravitational contraction, living in hydrostatic

equilibrium and shining photons and neutrinos for such a long time.

To obtain the energy produced by nuclear reactions per second, the �rst step is to

calculate the probability that a reaction takes place. This is proportional to the cross

section �. Considering NX and NY particles per cubic centimeter of two di�erents

species, which constitute the stellar gas, the reaction rate is (X = projectile and Y =

target):

r = NXNY v�(v) (2.2)

where F = �(v)NY is the e�ective cross section and J = NXv is the projectile ux.

In the stellar plasma the product between cross section and particle velocity has

to be averaged over the probability �(v):

< �v >=

Z
1

0

�(v)v�(v)dv (2.3)

It follows that the reaction rate becomes:

r = NXNY < �v > (1 + ÆXY )
�1 (2.4)

where ÆXY is the Kronecker symbol.

Note that, deriving respect to the time NX , we obtain the average life time of X

interacting with Y :

dNX

dt

����
Y

= �
1

�Y (X)
NX = �(1 + ÆXY )r ) �Y (X) =

1

NY < �v >
(2.5)

In the majority of hydrostatic equilibrium phases the stellar plasma can be con-

sidered as a non degenerate and non relativistic gas (see section 1.2), therefore the

velocity distribution follows the Maxwell-Boltzmann law:

�(v) = 4�v2
�

m

2�kT

�3=2

exp

�
�
mv2

2kT

�
(2.6)
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Figure 2.1: Schematic rapresantation of the nuclear interaction. RC is the

Coulomb radius, i.e. the point starting on which the incident particle feels

the Coulomb repulsion, Rn the nuclear radius and VC the Coulomb potential.

or:

�(E) � E exp

�
�

E

kT

�
(2.7)

In the center of mass system, equation 2.3 becomes:

< �v >=

�
8

��

�1=2
1

(kT )3=2

Z 1

0

�(E)E exp

�
�

E

kT

�
dE (2.8)

where � = mXmY =(mX +mY ) is the reduced mass. With these assumptions we can

re-write equation 2.4:

r = NXNY

��
8

��

�1=2
1

(kT )3=2

Z
1

0

�(E)E exp

�
�

E

kT

�
dE

�
(1 + ÆXY )

�1 (2.9)

Therefore the energy coeÆcient for reaction 1 + 2! 3 + 4 is:

�nuc = �12 + �34 = (r12 � r34)
Q

�
(2.10)



34

2.2 The nuclear cross section in the stellar interior

In order to determine the temperature dependence of the reaction rate one has to know

the cross section in the relevant energy range to evaluate the integral in equation 2.9.

Due to the strong energy dependence of the penetrability of the Coulomb barrier, the

astrophysical S factor is usually introduced by the following parameterization of the

cross section:

�(E) =
1

E
exp[�2��]S(E) (2.11)

in terms of the de Broglie wavelength (�2 / 1=p2 / 1=E), the s-wave barrier pene-

tration factor (in the approximation valid for E << EC [14]) and the slowly varying

factor S(E) which accounts for the nuclear properties of the process. In the above

expression, � is the Sommerfeld parameter: � = Z1Z2e
2

h�
. Substituting this expression

for the cross section in equation 2.8, we have:

< �v >=

�
8

��

�1=2
1

(kT )3=2

Z
1

0

S(E) exp

�
�

E

kT
�

b

E1=2

�
dE (2.12)

where b = (2�)1=2�e2Z1Z2=h.

In those cases in which S(E) can be considered constant in the energy range in

which the exponential in the integrand of equation 2.12 is signi�cantly larger than

zero, the latter shows a maximum (Gamow peak, see �g. 2.2) in:

E0 =

�
bk
T

2

�2=3

= 1:22(Z2
1Z

2
2�T

2
6 )

1=3keV (2.13)

An estimate of the width of the Gamow peak can be obtained by � = 4
31=2

(E0kT )
1=2.

The above treatment is valid when S(E) can be considered constant across the

Gamow peak. A better approximation can be obtained performing a series expansion

of the S(E) function around the energy axis origin (the Gamow peak is always lying

at very low energies), involving not only the S(0) value, but also the �rst and, in some

cases, the second derivative S 0(0) and S 00(0), obtained from �ts to experimental data

(see next section). In all cases the insertion of this expansion of S(E) in equation
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Figure 2.2: The dominant energy-dependent functions are shown for nuclear re-

actions between charged particles. While both M-B distribution and tunneling

function are small for the overlap region, the convolution of the two functions

have a peak in E0.

2.12 and the approximation of the Gamow peak with a Gaussian function including a

correction factor [89] leads to an analytic expression of the reaction rate of the kind:

< �v >= AT�2=3exp[�BT�1=3]

5X
i=1

�iT
i=3 (2.14)

with the coeÆcients depending on S(0), S 0(0) and S 00(0).

The quadratic approximation for S(E) is valid in the non resonant case, i.e. when

the contributions to the cross section arising from resonances in the compound nu-

cleus in the relevant energy range are negligible. In this case, the cross section is

dominated by direct reaction mechanisms. In the frequent case of radiative capture,

i.e. the reaction in which the exit channel consists of a photon plus a residual nucleus,

the direct capture is a process in which the electromagnetic interaction induces a tran-

sition of the target+projectile system in a state in the continuum to a �nal bound

state with a well de�ned orbital angular momentum, accompanied by the emission of

a -ray. The reaction proceeds without the formation of an intermediate (compound
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nucleus) state, and the partial wave(s) involved, in the incident plane wave expan-

sion, are selected by the selection rules of the relevant electric or magnetic multipole

operators.

If, on the other hand, at the excitation energy of the compound system Ex = Ecm+

Q a virtual unbound state of the compound nucleus exists, the resonant excitation of

this state in the entrance channel a and the subsequent decay in the exit channel b

is described by the Breit-Wigner equation (see again [89]):

�(E) = ��2
2J + 1

(2J1 + 1)(2J2 + 1)
(1 + Æ12)

�a�b

(E � ER)2 +
�
�
2

�2 (2.15)

where J is the angular momentum of the compound nucleus, J1 and J2 those of the

projectile and target, ER is the resonance energy and �a, �b and � are the partial

and total widths of the resonance. In the case of narrow resonances, i.e. when the

total width is much smaller than the resonance energy, the integrand in equation 2.12

is dominated by the cross section term, and the other terms can be assumed to be a

constant equal to the value assumed at E = Er. Moreover, the energy dependence of

total and partial widths can be neglected across the resonance, so that the reaction

rate can be written as:

< �v >=

�
2�

�kT

�3=2

~
2(!)Rexp

�
�ER

kT

�
(2.16)

where ! is the statistical weight 2J+1
(2J1+1)(2J2+1)

(1 + Æ12) and , the strength of the

resonance, is given by  = �a�b
�
. The exponential term indicates that at given stellar

temperature the reaction rate is dominated by resonances with energy ER close to

kT .

Finally, the case of broad resonances, i.e. when the total width is comparable

with the resonance energy, can be treated similarly to the non resonant case, with

the di�erence that the S factor at the Gamow energy can be expressed in terms of

the parameters of the resonance contributing with its tail to the cross section. It

has to be noted that, in this case, more than one resonance in the vicinity of the

Gamow energy, including subthreshold resonances (i.e. the tail of a bound state lying
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slightly below the particle emission threshold), can contribute to the cross section,

and interference terms between di�erent amplitudes have to be taken into account.

The reactions studied in the present work are characterized by the �rst and the last

of the situations described above, respectively.

For the 7Be(p; )8B reaction from eq. 2.13 one obtains E0 = 18keV for T6 = 15.

The Q-value of the reaction is Q = 0:137 MeV , while ground state spins and parities

of 7Be and 8B are 3=2� and 2+ respectively. No narrow resonances exist in the

vicinity of E = kT , while the contribution of the 1+ resonance at E = 778 keV

(ER = 640 keV , � = 36 keV ) to the astrophysical energy region is negligible. The

direct capture process is initiated by the l = 0 partial wave (with a small admixture

of l = 2) with the emission of an E1 -ray directly to the lf = 1 �nal state. The 

decay of the 1+ resonance is a pure M1 transition which, as already noted, does not

interfere with the low energy amplitude. As we will see in the following the presence of

this resonance can give some e�ects (essentially for the elastic scattering cross section

used for normalization) when measurements at high energy are performed in order to

extrapolate to lower energies (see next section and �gure 2.3).

Much more complicated is the situation for the 12C(�; )16O reaction (Q-value=

7:15 MeV ). Indeed, it has a large resonance (� = 400 keV ) at the energy Ecm =

2:42 MeV and spin and parity J� = 1�, which inuences the reaction in the relevant

stellar energy region and two sub-threshold resonances - E = �45 keV , J� = 1� and

E = �245 keV , J� = 2+ respectively -, which can enhance the stellar burning (see

again �gure 2.3) at the Gamow energy (E0 = 300 keV at T9 = 0:2). The �rst two

resonances give rise to E1-decay to the 0+ ground state of 16O, while the decay of

the 2+ resonance and the direct capture process proceed via an electric quadrupole

transition. For a detailed treatment of the energy behavior of such contributions to

the reaction cross section we refer the reader to [46]. We want to stress here that for

a complete description of the process one needs extensive measurement over a wide

energy range (see below).
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Figure 2.3: Level scheme for 8B and 16O with the corresponding excitation

function for 7Be(p; )8B and 12C(�; )16O reactions.
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2.3 The problem of the measurement at the

astrophysical energies

As we have seen the Gamow energies for the astrophysical processes are very low.

For the reaction of our interest, the expected cross sections at the respective Gamow

energies are �(E = 18 keV )7Be(p;)8B = 1:1 � 10�9 b and �(E = 300 keV )12C(�;)16O =

2:5 � 10�17 b. This means that in realistic experimental conditions, the expected

counting rate is prohibitively low. Even in those cases in which the event rate is

compatible with human lifetime (i.e. in reactions between very light nuclei) the

competition with cosmic background almost hampers to obtain statistically signi�cant

results. The only experiment which has been able to go down to Gamow peak is

LUNA, exploiting the shielding of the almost 2 km rock layer in the Gran Sasso

National Laboratories [15] for the study of 3He(3He; 2p)4He reaction.

As an alternative to the direct laboratory measurement of the S(E0) value, indirect

methods can be used to reach information at the Gamow energy. With this it is

usually meant measurements which can provide information about the process under

study by the measurement of the nuclear properties which determine the desired cross

section (such as resonance strengths, spectrospic factors, reduced widths) performed

using di�erent reactions which involve the same physical quantities. These are usually

in a way model dependent, so that their applicability has to veri�ed by comparison

with direct methods, when applicable. Some of these are the Coulomb Break-Up,

Direct Transfer, Trojan Horse or �-delayed � emission. The �rst method has been

used to measure 7Be(p; )8B [61], and it consists in the study of the inverse reaction

(8B(; p)7Be photodisintegration). The inverse reaction cross section is related to the

direct one by the detailed balance principle:

�(7Be(p; )8B) =
(2j8B + 1)

(2j7Be + 1)(2jp + 1)

k2inv
k2dir

�(8B(; p)7Be) (2.17)

where j are the spins, kinv =
E
~c

and kdir =
2�Ecm
~2

. Since kinv << kdir, then photodis-

integration cross section is larger than proton capture and so low energy regions are
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Figure 2.4: Level scheme 16O and main decays of 16N which represents an indirect

method to study the E1 component of the 12C(�; )16O reaction.

accessible to the measurement.

As -induced photodisintegration experiments are diÆcult to be performed, a

virtual  ux is produced by means of inelastic scattering of 8B on a heavy nucleus,

e.g. 208Pb, and the reaction to study is:

8B +208 Pb ! 7Be+ p+208 Pbgs (2.18)

The study of the �-delayed � spectrum from 16N (�1=2 = 7:13 s) is another

indirect measurement which can provide a constrain to the low energy E1 cross section

of 12C(�; )16O. Indeed, the �-decay matrix element to the subthreshold 1� state

depends on the reduced width of the state. The � spectrum following decay can

then be related to this observable. This represents a complementary route to the

determination of the E1 cross section at low energy [6] (see �g. 2.4).

Coming back to direct measurements of the cross section of the reaction under

study itself, owing to the impossibility of reaching the energy region of interest a
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possible approach is to measure the cross section in a wide energetic window down to

lowest accessible energy. After, one can extrapolate the data to astrophysical energies,

once the nuclear parameters determining the energy dependence of the cross section

have been obtained from a �t to experimental data. This procedure is in principle

straightforward, also with the guidance of some theoretical considerations, but in

many cases several complications may lead to considerable uncertainties. In the cases

of our interest: an experiment aiming to the measurement of the 7Be(p; )8B cross

section by bombardment of a 7Be target with a proton beam and the detection of

the reaction -ray, the 7Be target radioactivity hampers the identi�cation of reaction

-rays. The existence of subthreshold resonances in 12C(�; )16O, the complicated

interplay between di�erent amplitudes and the strong background which may arise

from the (�; n) reactions induced on 13C impurities present in the 12C target makes

very uncertain the extrapolation to the Gamow energy.

To circumvent the above diÆculties, the following approach has been adopted for

the 7Be(p; )8B reaction. The 8B, formed in the 7Be + p reaction, has a life time

� = 0:8 s. Then it decays, emitting a positron and a neutrino, in 8Be, which in turn

decays in two � particles (see �gure 1.2). By means of these two sequential decays one

can measure either the positron or � particles using a rotating 7Be solid target, which

moves alternately away from the beam line allowing the measure of the delayed

activity. Usally the beryllium target is obtained by the reaction 7Li(p; n)7Be, a

further uncertainty in this method coming from the determination of the number

density of 7Be [95, 96]. In spite of these diÆculties many experiments have been

performed using this technique [64, 80, 65, 104, 108, 39, 50, 97] and the resulting data

cover a wide range of energies. The possible presence of systematic uncertainties

arising from the uncertain target stoichiometry and other e�ects will be discussed in

the following chapter.

For 12C +� many experiments have been performed, based on the detection of -

rays [37, 83, 84, 79, 66, 77, 78, 90, 46]. All these measurements extend to a minimum

energy of about 1 MeV. The problem of 13C contamination has been solved in some of
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them using the inverse kinematics approach, i.e. the roles of the target and projectile

have been inverted bombarding with a 12C beam a gaseous 4He target. In spite of

this the S(300 keV ) value is still known with a very large uncertainty [3].

In both cases the use of the inverse kinematics o�ers the possibility of reducing the

systematic uncertainties and/or of extending the explored energy range. In particular

it allows identi�cation and counting of the recoil nuclei (e.g. 8B and 12C) which are

formed in the reactions. Since they travel in the same direction of the beam, their

direct detection, with high eÆciency detectors, would greatly improve the experimen-

tal sensitivity. An obvious problem is the separation between beam and recoil nuclei.

A useful technique is the Recoil Mass Separator method which has been used for the

study of one of the reactions above mentioned and will be used for the other.

2.4 Measurement of nuclear reaction cross sections

using the Recoil Mass Separator

In order to introduce the Recoil Mass Separator technique, let us assume that the

radiative capture reaction t(b; )r is being studied in inverse kinematics. In this case

b is a heavy ion (beam) and t a light particle, namely a H or He isotope (target).

For given center of mass energy E, the laboratory energy Eb of the beam will be

higher than that needed to study the same reaction in direct kinematics (by the ratio

mb=mt). This means that the velocity of the center of mass and that of the recoiling

nucleus r, can be, even for E < 1 MeV , large enough to allow the recoil to emerge

from the target and to be identi�ed. We will see in the following that many advantages

can be obtained if a gas target is used. We assume then that a particle accelerator

produces a beam impinging on a gas target and some magnetic and electrostatic

elements are used downstream which are able to separate the two traveling beams

(i.e. projectiles and recoils). Generally speaking, the beam direction has to be well

de�ned by a set of collimators. If the gas target is rather thin the recoil nuclei do not

have signi�cant energy loss or straggling due to the interaction with target particles
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and will emerge with a charge state distribution �(q). If we assume (see the following)

that recoils with charge state q� are identi�ed and detected with eÆciency "r, their

number can be related to the elastic scattering yield (Nel), measured concurrently.

Indeed, the number of the recoil particles is:

Nr = �q"rNbNtl
r
eff�r(Ecm) (2.19)

where the quantity �q is the probability of the recoils to emerge from the gas target

with the selected charge state, "r represents the transmission of the recoils through

the separator, Nb and Nt are the number of beam and target particles, lreff is the

e�ective target length along the beam axis producing recoil nuclides and �r(Ecm) is

the unknown cross section. If, during the same run, the elastic scattering yields Nel is

measured by detection of scattering recoils, observed with particles detectors placed

at an angle �lab in the gas target chamber, we have:

Nel = NbNtl
el
eff
lab�cm(�; E)
cm=
lab (2.20)

where leleff is the e�ective target length seen by the particle detector, �cm(�; E) is the

elastic scattering cross section at the associated center-of-mass angle �, and 
cm=
lab

is the ratio of center-of-mass solid angle to laboratory solid angle. From the ratio of

the above formulae, obviously, we obtain for the reaction cross section:

�r(Ecm) =
Nr

Nel

leleff
lab(
cm=
lab)

(�q "r)
�cm(�; Ecm) (2.21)

which allows a normalization of the unknown cross section avoiding the measure-

ment of Nb and Nt. This ratio between the recoil and beam particles is extremely

small: for p(7Be; )8B reaction, considering a number of target particles of about

5 � 1017 atoms=cm3, a gas target length of about 30 cm and a cross section �(Ecm =

1 MeV ) = 0:5� b, it values Nr

N
b

' 1 � 10�12 with "r = 100% and �5+ = 65%. For

12C(�; )16O, considering a number of target particles of about 2 � 1017 atoms=cm3,

a cross section �(Ecm = 1 MeV ) = 10 p b, it values Nr

N
b

' 1 � 10�18. The identi�-

cation of recoil particles cannot be performed in a detector by the identi�cation of
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their atomic number z. The detector would be "killed" by the huge rate associated

with the beam. Rather, a dispersive analysis, based on a combination of magnetic

and eletrostatic elements, has to be performed before the identi�cation in the �nal

detector. Note that the two beams have the same momentum and then, for equal

charge state, the same magnetic rigidity B� =
p
2mE=q.

Another experimental problem is due to the angle dispersion of the recoil beam.

Indeed, since in the radiative capture part of the momentum ~pi of the incident beam

is transferred to the -rays ( ~p = E=c), then the recoil nuclei are emitted in a cone

of half-angle �=2 ' E=pic. The momentum of the recoil beam is on the average the

same as the projectile with a spread, due to the  emission, of:

�p

p
=

E

(2mic2Ei)2
(2.22)

where mi and Ei are the mass and energy of the incident beam. It is worth to note

that the momentum spread is proportional to the Q-value of the reaction, since E

is proportional to Q-value. For 7Be(p; )8B (Q = 0:137 MeV ) and 12C(�; )16O

(Q = 7:16 MeV ) reactions, considering Ecm = 1 MeV , the cone half angle and

momentum spread are �
2
= 0:2Æ and �p

p
= 0:7 % and �

2
= 1:5Æ and �p

p
= 5 %

respectively. It is fundamental that at the end of the gas target the exit collimators

contain the cone of the recoil beam, in order to have a recoil transmission as close as

possible to 100 %. A quadrupole lens should focus the divergent beam recoil nuclei to a

narrow spot near the detectors. Obviously each magnetic and/or eletrostatic elements

of the Recoil Mass Separator must have an angular and momentum acceptance larger

than the dispersion of the reaction taken into account.

If to separate the recoil and incident beams we use a magnet placed between gas

target and the detector (see upper diagram in �g. 2.5), then the separation power is

due to the rigidity R = p=q, where p and q are momentum and charge state. Since the

capture products have the same momentum of the beam, then the separation between

intense incident beam and low recoil beam will be eÆcient only in the occurrence that

recoil particles can have higher charge state than the maximum one allowed to the

projectiles (qr > zi). This favourable condition is veri�ed for the p(7Be; )8B case,
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lection with a Wien Filter placed between gas target and magnetic analizer.
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since the well populated 5+ charge state is not allowed to 7Be (z = 4). As we will see

in the next chapter this dispersive analysis is not suÆcient to suppress the incident

beam intensity to an acceptable level and a further selection, based on the velocities

of the two beams, has to be performed.

In the case of �(12C; )16O reaction 16O charge states between 7+ and 8+ have

almost zero probability around Er = 3 MeV (Ecm = 1 MeV ), therefore it is impos-

sible to distinguish 16O recoil particles from the 12C projectiles (see fourth chapter).

As an alternative technique, a Wien �lter can be placed before the magnetic analyser

(see lower diagram in �g. 2.5), which leaves undeected all the particles of a given

velocity v, independently of their charge state. The velocity of incident and recoil

beams are di�erent and the ratio is:

vi

vr
=

mi +mt

mi

(2.23)

This feature allows to well separate recoil and incident beam, then the analysing

magnet can unambiguously select one recoil beam charge state. Note that as the

velocity resolution �v=v of the Wien �lter decreases as the di�erence in mass between

projectile and target particles decrease .

The speci�c features of the two reactions and the subsequent characteristcs of

the design of the recoil separator for each of them will be discussed in the next two

chapters.



Chapter 3

The 7Be(p; )8B reaction

The solar neutrino detection in the Homestake mine �lled with chlorine [30, 31, 32]

was one of the most important events for physics in this century. For the �rst time

there was a direct evidence that sun shines because of nuclear fusion reactions, since

neutrinos are produced in the center by solar nucleosynthesis and they escape from

the surface "almost" not interacting with the environment.

Unfortunately the neutrino ux predicted by the solar model does not agree with

the Homestake measurements: using solar neutrino units (SNU) 1 we expect about

8 SNU and the Homestake experiment measured only 2:56 � 0:23 SNU . This

discrepancy still persists today, in spite of three decades of data from Homestake

and new results from Kamiokande [63], Super Kamiokande [100], SAGE [91] and

GALLEX [43] experiments. In the next sections we will describe in detail the solar

neutrino problem or, actually, the solar neutrino problems, and we will show that

neither an astrophysical nor a nuclear solution are possible. This implies the need of

a new neutrino physics, namely the so-called neutrino oscillations. We will see that,

in the framework of the MSW theory, an important role is played by nuclear inputs

to solar models: in particular the 7Be(p; )8B reaction rate strongly inuences the

high energy neutrino ux, so that an accurate determination of the cross section is

highly desiderable. As the present knowledge of this cross section is possibly a�ected

1[1 SNU � 10�36 captures � (target atom)�1 � s�1] see also next section.

47
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by systematic uncertainties, a new direct measurement of the absolute cross section

of the 1H(7Be; )8B reaction using in inverse kinematics at Ecm = 990 keV has been

undertaken �ve years ago at the Naples TTT-3 accelerator.

3.1 The solar neutrino problem

The Sun (as mentioned before) is burning hydrogen mostly (' 85%) by means of the

p-p chain: the reactions taking place during this phase have been shown in �gure 1.2.

Five of the reactions involved in this chain produce neutrinos:

8>>>>>>>>>><
>>>>>>>>>>:

p + p ! 2H + e+ + � pp

p + e� + p ! 2H + � pep

3He + p ! 4He + e+ + � hep

7Be + e� ! 7Li + � (90%) 7Be

7Be + e� ! 7Li� + � 7Be�

8B ! 8Be + e+ + � 8B

In the center of the sun the CNO cycle is also partially active and so we have to

add other three neutrinos coming from the 13N , 15O and 17F decays. The ux and

the energy distribution of �'s emitted from the Sun is of course dependent on the

number of each of the above reactions taking place, and then on the details of the

present state of the evolutionary path of the star (solar model). To estimate the

expected neutrino ux we used the FRANEC code, considering element di�usion

according to equation 1.39. Table 3.1 shows the comparison between the expected

uxes (for each solar neutrino) computed with FRANEC and those calculated by

Bahcall and Pinsonneault 1998 [7]. Using our value for the ux we calculate the

spectrum assuming the standard electroweak theory [82] (see �gure 3.1).

Solar neutrino experiments measure the ux using radiochemical or water Cherenkov

detectors. Homestake [32], SAGE [91] and GALLEX [43] belong to the �rst group:

they used chlorine and gallium detectors exploiting the reactions:
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Figure 3.1: The Solar Neutrino Spectrum is shown in the �gure. The neutrino

uxes for continuum sources are given in the units of number per cm2 per second

per MeV at one astronomical unit; while line uxes are given in number per

cm2 per second. The coloured lines on the top of the �gure indicate the energy

thresholds for the ongoing neutrino experiments.
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Table 3.1: Solar neutrino ux expected on earth calculated by means of the

FRANEC code for the 9 solar nuclear reactions which produce a neutrino in

cm�2s�1. The second column reports the energy range for continuum source

and the energy for line source of the neutrino, while in the fourth column we

report for comaprison the calculated values by Bahcall [7].

E� Flux at earth

[MeV ] [cm�2s�1]

FRANEC BP98

pp 0! 0:42 6:03 � 1010 5:94 � 1010
pep 14 1:43 � 108 1:39 � 108
hep 0! 18:7 7:68 � 103 2:10 � 103
7Be 0:86 4:46 � 109 4:32 � 109
7Be� 0:38 4:96 � 108 4:80 � 108
8B 0! 15 5:18 � 106 5:15 � 106
13N 0! 1:2 5:34 � 108 6:05 � 108
15O 0! 1:7 4:52 � 108 5:32 � 108
17F 0! 1:7 5:53 � 106 6:33 � 106

� Homestake ) �e + 37Cl ! 37Ar + e

which has an energy threshold at 0:814 MeV ;

� SAGE and GALLEX ) �e + 71Ga ! 71Ge + e

which has an energy threshold at 0:233 MeV .

Super Kamiokande [100] is a water Cherenkov experiment and solar neutrinos are

detected by virtue of their elastic scattering on the electrons bound in the water

molecules (� + e ! e + �) and it is able to measure the energy spectrum with an

energy threshold of about 6MeV . Therefore this experiment measures almost only the

neutrinos coming from 8B decay. The expected ux at the earth surface, considering

the energy range from 0 to 15 MeV , is 5:18 � 106 cm�2 s�1 (while BP98 estimates

5:15 � 106 cm�2 s�1) and the measured value (taking into account the extrapolation

from the threshold energy down to zero energy) is 2:44+0:09
�0:07 � 106 cm�2 s�1.
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In table 3.2 we show the comparison between the predicted values and the mea-

sured ones by the four experiments. The predicted values for radiochemical experi-

ments result from a folding of the calculated neutrino spectra with the cross sections

of the relevant detection process, i.e. from experimental details (volume of the tank

and cross sections) one can calculate the number of captures expected for each ex-

periment:

NC =

Z
dN

dEdSdt
�(E)nlSdE (3.1)

where S is the surface and l the height of the tank and n is the number of atoms per

unit volume. From the above equation the Solar Neutrino Unit is de�ned:

1 SNU =
NC

Natm

=

Z
dN

dEdSdt
�(E)dE (3.2)

where Natm is the number of target atoms in the experimental tank.

SAGE and GALLEX experiments are sensitive to almost all the solar neutrino

energy window, then they should measure almost all the ux expected. They measure

only 75+8
�7 SNU and 74+7

�8 SNU , instead of the 130:6 SNU expected: this is usually

called the missing neutrino problem.

Analysing the information coming from the three regions explored by the exper-

iments, on can see that there is not only a problem of "missing neutrino". Indeed

independently from the actual strength of the 8B neutrino source, from the measure-

ment of part of the spectrum (water experiment) one can calculate the expected ux

in any other energy window. Then folding the latter with the detection process cross

section the expected measurement for the other experiments can be estimated. Using

this kind of mutual re normalization of the di�erent experiments, one could halve the

ux expected from 8B, reconciling it with Super Kamiokande measurement, which

gives a direct information about 8B neutrinos. Doing so we have no "room" for 7Be

neutrinos: in fact, the neutrino ux in the Homstake energy window, is, still, over-

powered by the 8B neutrino ux (� 3SNU) [9]. The incompatibility of the chlorine

and the Kamiokande experiment is the so called 7Be=8B anomaly. To solve this
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problem one needs a new neutrino physics including not standard electroweak theory,

which changes the shape of 8B neutrino spectrum.

The irreconcilability between the expected 7Be neutrino ux and measurements

remains considering also the GALLEX and SAGE, since the number of neutrinos de-

tected (� 75 SNU) is too small. In fact, in the gallium unit, we should expect 73 SNU

from pp neutrino and 7 SNU from 8B - normalizing the value to Superkamiokande

measurement -. There is again no room for the 34 SNU expected from beryllium

(this is the so called missing 7Be neutrino).

It is worth to stress that the above discrepancy is independent on any assumptions

on the solar model (see next paragraph) or on nuclear inputs. It is only based on the

shape of the 8B neutrino spectrum, which is in turn dependent only on the electroweak

theory.

3.1.1 Uncertainty in the Standar Solar Model

We perform solar model calculations using FRANEC code with the prescription shown

in the �rst chapter and taking into account element di�usion [94]. To reproduce

the sun we evolve a model trying to �t the two experimental data. We have for

the sun: luminosity (L� = 3:85 � 1033erg s�1) and radius (R� = 6:96 � 1010 cm).

Helioseismology data helps us to verify the goodness of the model, since we have

independent observational measurements for the helium surface abundance (YS) and

for the depth of surface convection (RCS). Our data for helium is YS = 0:251 and

for convection RCS = 0:710 R� which are in good agreement with helioseismology

data YS = 0:249 � 0:003 [11] and RCS = 0:713 � 0:001 R� [12]. We remind

that values obtained by Bahcall and Pinsonneault in 1998 [7] are: YS = 0:243 and

RCS = 0:714 R�.

The element di�usion provides a larger temperature and density in the interior

of the sun [8] and therefore a smaller central hydrogen abundance for solar model:

our value is XC = 0:3343, the one in [8] is XC = 0:3333, while without di�usion it

is XC = 0:3613. The other consequence of higher temperature and density is the
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increasing of expected neutrino ux. Predictions without di�usion gave for gallium

experiment 126 SNU , for chlorine 7 SNU and for 8B neutrino 4:9 � 106 cm�2 s�1 [8].

A possible source of uncertainty in standard solar models (SSM) is the opacity,

since we do not know with suÆcient precision the solar chemical composition and,

in particular, the central metal content. Quantitavely an opacity reduction of 10%

means a reduction of Tc of 1%, which has not a one-to-one correspondence with the

neutrino ux since it is not possible to adjust Tc leaving all the rest unchanged. The

dependence of the most important neutrino ux on Tc is:

8>><
>>:

pp / T
�1=2
C

7Be / T 8
C

8B / T 18
C

The important conclusion is that a 1% uncertainty in Tc means almost 20% uncer-

tainty in boron ux which con�rms the impossibility to solve 7Be=8B anomaly by

using astrophysical arguments. Again helioseismology help us: in fact the compari-

son between sound speeds in the sun from helioseismological measurements and model

is in good agreement using the OPAL [57, 2] value for opacity.

The nuclear reaction rate is another source of uncertainty, since no reaction, with

the exception of the 3He(3He; 2p)4He [15], is explored down to the Gamow energy

and since the p + p reaction rate has only a theoretical estimate. We use, as we said

in section 1.3, for nuclear reaction rate data the 1988 Fowler compilation, and for

7Be(p; )8B value the compilation of NACRE. In spite of that, the missing 7Be neu-

trino problem can not be explained by uncertainties on the value of beryllium electron

capture rate, since the 8B neutrinos, observed in Superkamiokande experiment, are

produced in competition with the undetected 7Be neutrino. Reducing the reaction

rate of production of 7Be, to reconcile 7Be ux with observation, reduces accoringly

the boron neutrino ux. Moreover, the beryllium neutrino ux is independent of

measurement uncertainties in the cross section of 7Be(p; )8B reaction, which is the

most uncertain nuclear quantity in SSM, because the electron capture probability is
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much larger than proton capture 2. Therefore one should increase the reaction rate of

proton capture of a factor larger than 100 to a�ect the calculated beryllium neutrino

ux. Unfortunately, this makes the boron neutrino prediction completely inconsistent

with Superkamiokande experiment.

The solution of solar neutrino problem is not in the uncertainty of SSM. Moreover

the possibility of existence of Non-Standard Solar Model seems to be ruled out by the

good agreement between SSM and helioseismological data. We need physics beyond

the standard electroweak model to change the neutrino energy spectrum after the

neutrinos are produced in the center of the sun.

3.1.2 Neutrino oscillations: a possible solution

The standard electroweak model requires massless neutrino. Nevertheless, admitting

the possibility that neutrino would have masses no fundamental symmetry would be

violated. Pontecorvo [81] �rst suggested to test the hypothesis of massive neutrino

by means of the solar neutrino. The basic idea is that massive neutrino �e produced

in the center of the sun could be transformed into �e or into other neutrino avors

(��, �tau) and consequently the measurable ux on the earth would be depleted.

If we consider only two oscillating avors, the mass eigenstates j �1 > and j �2 >

are related to the weak interaction eigenstates by [82]:

j �e >= cos �v j �1 > +sin �v j �2 >

j �� >= � sin �v j �1 > +cos �v j �2 > (3.3)

where �v is the mixing angle. For the case of vacuum oscillation the survival proba-

bility for a distance x is:

P ext = 1� sin2 2�v sin
2(
Æm2x

4E�

) (3.4)

2Using standard parameters almost 1000 times larger.
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Figure 3.2: Survival probability for the vacuum oscillation solution.

where E� is the neutrino energy and Æm2 = m2
2 � m2

1. From the last equation we

de�ne the oscillation length:

L0 =
4�E�

Æm2
(3.5)

Since the average distance x between Sun and Earth is 1 AU = 1:496 � 1013 cm,

to achieve correct prediction of measured neutrino ux we need a large mixing angle

and a very small Æm2. The obtained in our calculation are:

sin22� = 0:910+0:020�0:025, which means � � 72Æ and Æm2 = (2:80 � 0:1) �10�10 eV2.

The �t with this values gives a �2 = 0:70. In �gures 3.2 and 3.3 we report the survival

probability and neutrino spectra. The oscillation provides 7Be missing neutrino and

a raising survival probability for large E�.

The understanding of solar neutrino problem changed radically when Mikheyev

and Smirnov [72, 73] showed that the density dependence of the neutrino e�ective

mass can provide a solution even for small mixing angle because of medium-induced
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Figure 3.3: Solar Energy Spectrum considering the vacuum solution.

resonant oscillations: this is the so called MSW e�ect.

Solving the oscillation eigenstate equations taking into account sun density (�(r))

[72, 73, 51], we �nd for:

c =
sin2 2�f
cos 2�f

Æm2

2E

1

j 1
�c

d�(r)

dr
jr=rc j

>> 1 (3.6)

a survival probability of:

P ext =
1

2
+
1

2
cos 2�f cos 2�i(1� 2Phop) (3.7)

where �i is the mixing angle at the production point, �f is the mixing angle at the

detection point and Phop is the hopping probability which, considering an exponential

pro�le for density in the sun (�(r) = �c � e
�k� r

RS ), is:

P exp
hop =

e�(�c=2)(1�tan
2 �f ) � e�(�c=2)(1�tan

2 �f )= sin �f

1� e�(�c=2)(1�tan
2 �f )= sin �f

(3.8)
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work.

Using the starting and measurement values for neutrino ux seen in the previous

sections and the solar density pro�le calculated with FRANEC (k = 8:81), we �nd a

large and a small mixing angle solution (see �gures 3.6, 3.7, 3.4 and 3.5). For large

mixing angle we have sin22� = 0:977 and Æm2 = (5:11 � 10�5 eV 2 with a �2 = 13.

The small angle solution gives a better �t with �2 = 1:33. The values of sin22� and

Æm2 for small mixing solution are:

sin22� = (6:69+0:36�0:34) � 10�3, which means � � 5Æ and Æm2 = (3:54 � 0:12) �

10�6 eV2.

As we see in �gure 3.4 the survival probability in the small mixing angle picture

is almost 100% in the range of pp ux energy, after it falls to zero in the range of

beryllium ux, raising again for energy larger than 2 Mev. This shape reconciles

measurements and theory. In the case of large mixing, the shape (�gure 3.6) is

essentially a step which provides a larger probability for lower energy. One should note
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that the above values have been obtained using the compilation value S17 = 21 eV b

for the astrophysical S factor at zero energy of the 7Be(p; )8B reaction. We will

see at the end of this chapter the changes in the �tting parameters due to a new

determination of S17(0).

3.2 Direct measurement of the absolute cross sec-

tion of p(7Be; )8B

Many authors in the last forty years have been involved in measuring the 7Be(p; )8B

reaction rate. Most of them have used the direct kinematic approach, using a proton

beam and a beryllium target. The reaction proceeds at energy far from the resonance

at ER = 640 keV (J� = 1+, � = 36 keV ) via the direct capture (DC) mechanism.

Since 7Be target emits an intense -ray ux of 478 keV energy (T1=2 = 53 d), the

direct measurement of DC -rays is hampered. The process has, therefore, been

studied indirectly by observing either the delayed positron or the delayed �-particles

emitted in the decay of the produced 8B nuclei, by means of a rotating target, which

wavers between beam line and detectors.

The present knowledge of the cross section is based essentially on measurements

with this technique performed using radioactive 7Be targets produced by hot chem-

istry [64, 80, 65, 104, 108, 39, 50]. Other available data result from experiments with

the inverse process, i.e. 8B coulomb dissociation [61] (see section 2.3).

The measurements provided �(E) data covering a wide center-of-mass energy

range (see �gure 3.9), which show, however, a considerable scatter and, so, it is prob-

lematic to combine the results in a sort of "world average" [62]. The main uncertainty

lies in discrepancies on absolute values larger then the quoted errors. The 7Li(d; p)8Li

cross section [95, 96] is commonly used to normalize data [3]. In 1998 Weissman et al.

[106] suggested - on the basis of TRIM [93] simulations - that a signi�cant backscat-

tering of the recoiling 8B nuclides out of the target could occur a�ecting signi�cantly

the deduced cross section values: a loss of up to 15% was predicted depending on
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the backing material (large e�ects for heavy backings such as Pt) and on the thick-

ness of the target (large e�ects for thin targets). Similar predictions for the loss of

8Li recoil nuclei in 7Li(d; p)8Li have been con�rmed experimentally [95, 96], which

could also inuence the 7Be(p; )8B results when the former reaction is used for nor-

malization. It was thus suggested [96] that the reported �(E) values should include

an additional systematic uncertainty of the order of 15%. Omitting some data sets

and using di�erent model calculations [62][33], values of S(0) = 19+4�2 eV b [1] and

S(0) = 21� 2 eV b [3] have been recommended for the astrophysical S(E) factor at

zero energy.

"It would be especially informative to reverse the usual experimental situation

and use a gaseous target of protons and a beam of 7Be; this reversal would involve

di�erent systematic uncertainties, which are often the most important source of errors

in diÆcult experiment" [9].

This approach has been adopted at the 3 MV tandem accelerator in Naples (see

�gure 3.10), where the absolute cross section �(E) value of p(7Be; )8B (inverted

kinematics) in the non-resonant energy region, i.e. at Ecm = 1 MeV (Elab = 8 MeV )

has been measured. The experiment started 5 years ago with testing procedure using

another reaction (in particular the 12C(p; )13N [45]) to verify the feasibility of the

measurement of nuclear cross section using the Recoil Mass Separator technique (see

section 2.4).

The study involved a 7Be radioactive ion beam, a windowless H2 gas target, and

a recoil mass separator for the detection of the 8B recoils. The approach avoided the

problems of 7Be target stoichiometry and allowed to identify the 8B recoils on the

basis of their energy and �E�E characteristics (using a telescope placed at the end

of the separator, see previous chapter). Since the 8B yield was measured concurrently

with the 7Be + p elastic scattering yield, the method related ultimately �(E) to the

elastic scattering cross section.
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Figure 3.10: Tandem TTT-3 machine available in Naples (upper pannel) and

analysing instruments (lower pannel). It is possible recognize the gas target

and the Recoil Separator.
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Figure 3.11: Schematic diagram of the 3MV TTT-3 tandem accelerator at Naples

with the relevant informations for the 7Be(p; )8B measurement using the Recoil

Separator technique.

3.2.1 Equipment set-up and experimental procedure

A schematic diagram of the 3 MV TTT-3 tandem accelerator at Naples, the beam

transport system, the windowless gas target and the recoil separator is shown in �gure

3.11. The set-up has been commonly used for accelerator-mass-spectrometry (AMS)

of 14C [20, 101]. Starting from the ion source, we now recall the relevant features of

the set-up.

The cesium sputter ion source is a Kingston Scienti�c model 300 which operates

at 25 KV potential, the conically shaped ionizer allows to sputter the elemental
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materials nearly homogeneously over an area of up to 5 mm diameter. The negative

ion beam of interest is selected by a 35Æ injection magnet, focused by a gridded lens,

and accelerated to the terminal voltage of the tandem. A 5 �gcm�2 thick carbon

foil inside the TTT-3 machine provides the electron stripping, therefore a positive

ion of selected charge emerges from the accelerator. A quadrupole doublet magnet

focuses the beam on the object slits of a 90Æ double focusing analysing magnet which

transports the beam on the image slits. A downstream magnetic quadrupole doublet

focus the beam in the center of the windowless gas target system. The products of

the reaction (recoil ions) together with the beryllium beam (leaky beam) arise from

the gas-target and they are focused by a quadrupole triplet on the 30Æ switching

magnet. These are the �rst two elements of the recoil separator, which as we have

seen in chapter 2, allows to separate the boron from the leaky beam. Afterwords the

Wien �lter makes a velocity selection and the recoil ions are identi�ed in the �E�E

telescope, �lled with isobutane, placed at the end of the Recoil Mass Separator. A

mylar foil is placed in front of the entrance of the chamber. Faraday cups and X �Y

steerers are placed along the beam transport system (�g.3.11) to monitor and optimize

the beam transmission respectively. A post-stripper carbon foil can be placed in front

of the object slits to change the charge state q of the accelerated ion beams.

The 7Be nuclides were produced using the 7Li(p; n)7Be reaction, irradiatingmetal-

lic Li samples with a 11:4MeV proton beam (20mA) from the cyclotron in Debrecen,

whereby for each sample a 7Be activity of about 20 GBq was achieved over an ir-

radiation time of about 2 weeks. Using hot chemistry, the activated samples were

transformed into nearly pure 7BeO + Ag pills to be used as cathodes in the sputter

ion source of the Naples tandem. The procedures applied in the irradiation and hot

chemistry are described in [36].

In the sputter source, the 7Be nuclides were extracted in form of a 7BeO� molec-

ular ion beam. Setting the 35Æ injection magnet to mass �23 ions, this beam was

accompanied by a 7LiO� molecular beam. Both beams were focused by a gridded lens

and accelerated to the terminal voltage U = 2:42 MV of the tandem. After stripping
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in a 5�g=cm2 thick C foil, the 8:0 MeV ions of 7Be3
+

(probability �3+ = 15%) and

7Li3
+

emerged from the accelerator. Inserting a post-stripper C foil (10�g=cm2 thick)

near the object slits, fully stripped 7Be4
+

ions were produced with a 67% probabil-

ity. The 7Be4
+

ions were selected by the analysing magnet, while the accompanying

7Li3
+

ions were �ltered. A high purity of the resulting 7Be4
+

beam (25 ppA maximum

current) was veri�ed [21].

This 7Be4
+

beam is focused in the center of the gas target where the elastic

scattering and radiative capture processes take place. The protons scattered will be

measured by silicon detectors placed around the target chamber and 8B particles to-

gether with incident beryllium arise from the gas target. The di�erentially pumped

gas target has three pumping stages on both sides of the target chamber, which con-

sist of Roots blowers (e.g. WS2000, pumping speed = 2000 m3=h), turbo pumps

(TV360, pumping speed = 360 l=s, and roughing pumps (e.g. D65B, pumping speed

= 65m3=h). The use of the gas target has several advantages with rispect to hydrogen

solid targets: it allows a highly pure composition of the gas target and can withstand

deteriorations or build up of impurities. Moreover, the adopted solution of a di�eren-

tially pumped target avoides the use of pressure-de�ning windows, which again could

be deteriorated by the beam and would be an additional source of background. The

beam entered the target chamber through three electrically insulated apertures of

high gas-ow impedance (C to A; with diameters ? and distances given in �g. 3.12)

and left the chamber through a symmetric set of apertures; these apertures de�ned

the ion beam axis to better than 0:5Æ. The target chamber was �lled with the target

gas, via a needle valve, to a pressure p0. The measurement of the pressure is absolute

and independent of the gas used, the accuracy is of 4% with a Baratron capacitance

manometer. For the measurement taken into account the gas target is �lled with H2

gas of p0 = 5:0 mbar, the three stages pumping system reduced the upstream pres-

sures to p1 = 0:19 mbar, p2 = 6:2 � 10�4 mbar and p3 = 1:6 � 10�5 mbar in the regions

between the apertures A and B, B and C and outside aperture C, respectively. The

disc shaped target chamber has a central ion beam pipe of 12 mm diameter, which
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Figure 3.12: Schematic view of the Naples gas target.

houses the aperture A. The chamber has several ports radiating from the center of

chamber, which is at a distance of z = 124 � 1 mm from the center and they are

used as gas inlet, adapter for the Baratron manometer and installation of collimated

particle detectors.

The silicon detectors have an active area of 150 mm2, thickness of 300 �, energy

resolution �E = 15 keV at E� = 5:5 MeV . They were collimated by the slit-hole

combination in stalled at the ends of a tube of length 113 � 1 mm with an horizontal

slit of width s = 2:00 � 0:05 mm faced the center of the target chamber and the

circular collimator (r = 5:00 � 0:05 mm) in front of the detector. The distance from

the circular collimator to the center of the target chamber was d = 173 � 2 mm.

This geometry de�ned the e�ective target length seen by the detector along the beam

axis [89] as:

lpeff = s � d � (f sin �lab)�1 (3.9)
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corresponding to a range of scattering angles �lab � ��lab. For the angle �lab = 45Æ

the solid angle is 
lab = � � r2=d2 = 2:62 msr, considering the reproducibility of

single measurement for a given focusing of an ion beam we have ��lab = 0:5Æ and

�
lab = 0:047msr [95] and the target length is lpe� �
lab = 11:3 � 0:4 mmmsr. The

analyzed angles, during the measurement, were �lab = �30Æ, �lab = �45Æ, �lab = 45Æ

and �lab = 60Æ.

A quadrupole triplet focuses on the switching magnet (SM) the two beams arising

from the gas target (8B recoils and 7Be leaky) The switching magnet �eld selects

one charge state: selecting the boron 5+ state (see section 2.4) provide a �rst dis-

crimination, since there is no such beryllium state. On the other hand, small angle

scattering and charge exchange processes on the beam transport section between the

gas target and the magnet can give rise to a residual "leaky" beam of 7Be particles

having an energy charge state combination which matches the rigidity of the recoils

ions. In view of the very high intensity ratio at the origin, these leaky beam still

overwhelms the recoil one, in spite of the small probability of the above processes. A

further puri�cation is then performed by a dispersive velocity analysis, using a crossed

�eld Wien �lter, that exploits the velocity di�erence of particles of equal rigidity and

di�erent mass, the combined puri�cation factor is 10�10 [45].

The 8B recoils are �nally identi�ed and counted in the �E � E telescope. The

identi�cation matrix used for calibration is shown in �g. 3.13. The number of 8B

nuclides from p(7Be; )8B, as observed in the �E�E telescope of the recoil separator,

IB, can be related to the
7Be+p elastic scattering yield (i.e. the number of the proton

recoils), Iel, observed with the particles detectors placed at an angle �lab in the gas

target chamber, by the expression 2.21. To deduce �5 we have studied the charge

state distribution as a function of pressure using a 11B beam of 9:625 MeV , which

has the same velocity as 7 MeV 8B. Since the reaction can occur everywhere in

the gas target between the entrance and the exit, we have simulated this situation

studying the charge state distribution as a function of the pressure. - the results of this

analysis is shown in �g. 3.14 -. Indeed, the 8B particles produced near the entrance
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Figure 3.13: Calibration matrix of the ionization chamber.

of the gas target see 5 mbar of H2 pressure, but those produced near the exit see

an equivalent pressure lower than 5 mbar. Folding the probability that the reaction

takes place in a certain point of the gas target with the one that the recoil assumes

the selected charge state in the path up to the exit of the gas target, one can obtain

the average charge state of the emerging particles from the gas target: �5+ = 65 %.

The recoil beam transmission in the separator has been measured concurrently with

the momentum acceptance of the system, using as test the 12C(p; )13N reaction,

for which the cross section is known precisely from direct kinematics measurements

[45]. For the switching magnet a value of (�p=p)sm = 1:9%, and for the Wien �lter

(�p=p)sm = 2:6% were found. The maximum angular dispersion at 8MeV laboratory

energy of 7Be(p; )8B reaction is 0:2Æ, while the momentum spread is (�p=p)sm =

0:7%, largely in the range of the recoil separator. The measured cross section for

12C(p; )13N at Ecm = 0:841MeV is in very good agreement with the literature value

[45]: this con�rms the feasibility of the method and gives an indirect con�rmation that

the transmission through the separator, determined by beam current measurements
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Figure 3.14: Charge state probability of 11B as a function of the pressure of the

gas target.
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as " = (100 � 3)%, is correctly evaluated. Finally, as already mentioned in section

2.4 to deduce the cross section of 7Be(p; )8B, we need an absolute measurement of

7Be+p elastic scattering cross section. Next section is devoted to such measurement.

3.2.2 Measurement of 7Be+ p elastic scattering cross section

The elastic scattering cross section �cm(45
Æ; Ecm) was measured using the so called

gas mixture method, which relates the unknown cross section to other known cross

sections. In particular, to measure the 7Be(p; p)7Be cross section at 8 Mev labora-

tory energy, �rst we have measured that of 7Li(p; p)7Li at similar energy. We have

used a target �lled with a �xed mixture of H2 and
40Ar and we have counted the pro-

tons scattered by the incident beam (lithium or beryllium) and the incident particles

scattered by the argon target at di�erent angles and considering di�erent energies.

First we have guided in the gas target a 2 MeV (or 3 MeV ) laboratory energy beam

of 7Li, counting proton and argon elestic particles; afterwards we have guided an

8 MeV laboratory energy beam of 7Li. By the comparison of the yields (see below)

we have obtained the 7Li + p elastic scattering cross section at 8 MeV laboratory

energy. Indeed, since the processes 7Li+ p at 2 MeV (or 3 MeV ) laboratory energy

and 7Li +40 Ar at 2 MeV (or 3 MeV ) and 8 MeV laboratory energy follow the

Rutherford law (see, again, below), the only unknown cross section is that of 7Li+ p

at 8 MeV laboratory energy. The same technique is used considering the processes:

7Li+ p, 7Li+40 Ar, 7Be+ p and 7Be+40 Ar at 8 MeV laboratory energy. Note that

again there is just one unknwon process: the 7Be + p elastic scattering, so the gas

mixture method can be applied.

Generally speaking, if we consider two gases in the gas target and two interacting

ion beams, we can obtain the absolute elastic cross section of one of the four in-

volved reactions knowing the other ones. We remind that the number Ns of particles

scattered at an angle � and at an incident energy E is:

Ns(�; E) = �lab(�; E)leff
labNtNp = �cm(�; E)

cm


lab

leff
labNtNp (3.10)
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where Nt and Np are the number of projectile and target particles respectively and

�cm(�; E) is the elastic cross section. From this equation obviously follows that:

�cm(�; E) =
Ns(�; E)

leff
labNtNp


cm


lab

(3.11)

We can call A and B the elastic scattering processes, which involve the �rst beam

with the two components of the gas mixture, and C and D the ones related with the

second beam. We can write the relation:

[�cm(�; E)]A

[�cm(�; E)]B
=

NA
s (�; E)[


cm

lab

]A

NB
s (�; E)[


cm

lab

]B

N I

N II
(3.12)

where I and II refer to the two target isotopes. A similar relation can be written for

C and D. Since from kinematics arguments we know that:

[
cm

lab

]A

[
cm

lab

]B
=

[
cm

lab

]C

[
cm

lab

]D
(3.13)

it is possible to write:

[�cm(�; E)]A

[�cm(�; E)]B

[�cm(�; E)]D

[�cm(�; E)]C
=

NA
s (�; E)

NB
s (�; E)

ND
s (�; E)

NC
s (�; E)

(3.14)

Coming back to the measurement, �rst, we have guided 7Li beams of 2, 3 and 8MeV

in the gas target �lled with an Ar�H mixture. Since the Coulomb barrier of argon has

energy of about 18 MeV , the lithium elastic scattering at all the energies considered

follows Rutherford law. Therefore the elastic scattering cross section is:

�cm(�; E)]
R
s = 1:296

�
ZLiZAr

E

�2�
MLi +MAr

MAr

�2
1

sin(1=2�)4
mb

sr
(3.15)

Also the elastic scattering 7Li + H at 2 and 3 MeV follows the Rutherford law, as

con�rmed by the ratio between the number of protons scattered by lithium beam

and the lithium particles scattered on argon target being constant as a function of

energy between 2 and 3 MeV (see �gure 3.15 and table 3.2.2), Therefore, from the

measured yields of 7Li ions scattered by Ar and of H recoils from 7Li + H elastic

scattering at 2 and 3 MeV the relative lH
lab(�) for the 30
Æ, �45Æ and 60Æ detectors
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Figure 3.15: Ratio between the number of protons scattered by lithium beam

and the lithium particles scattered on argon target as afunction of the energy.

were deduced, as well as the ratio of H to Ar number densities, NH=NAr. Note that

we have a value for 45Æ angle of lH
lab(�) see equation 3.9. From the yields measured

at 8MeV incident energy, the absolute values of �Licm(�; E
Li
cm) at 30

Æ, 45Æ and 60Æ were

deduced, with ELi
cm = 975 keV , as calculated taking into account the energy loss in

the target.

Typical spectra for each angle are shown in �gure 3.16, where it is possible to

recognize the recoil protons from 7Li scattering and the scattered 7Li on Ar peaks.

Moreover there is another peak on the left of proton peak, which corresponds to the

energy of Ar scattered particles. This peak is larger proportionally to the energy of

the incident beam. To subtract the Ar scattering counts we have �tted the peaks

with the non symmetrical exponential function:

f(E) =
H

1 + e
jE�E0j��

D

(3.16)

The results of the �t is plotted in �g. 3.17. The results of the analysis give as a ratio

between absolute cross section of Li + p elastic scattering reaction and Rutherford
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Table 3.3: In table the results of the measurements of the scattering cross sec-

tions for Li + p and Li + Ar processes at 2, 3 and 8 MeV energies. Starting

from the �rst column for each energy we report: the laboratory silicon detector

angles, the value of leff

rel
lab, the scattering angles for lithium particles scattered

by argon in center of mass system corresponding to the detector angles, the

number of lithium particles counted during the measurement, the scattering

angles for proton particles in center of mass system corresponding to the de-

tector angles, the number of proton particles counted during the measurement

and the ration between the proton and lithium particles.

2 MeV Li+Areje Li+Hres

�lab leff

rel
lab

�30Æ 1:48

�45Æ 1

45Æ 0:99
60Æ 0:80

�cm NAr

�35Æ 53792 � 232

�52Æ 7831 � 88

52Æ 7636 � 87
69Æ 2072 � 46

�cm NH

�60Æ 9110 � 103

�90Æ 11299 � 113

90Æ 11382 � 111
120Æ 28067 � 175

NH=NAr

0:17 � 0:01

1:44 � 0:02

1:49 � 0:02
12:25 � 0:02

3 MeV Li+Areje Li+Hres

�lab leff

rel
lab

�30Æ 1:48

�45Æ 1

45Æ 0:99

60Æ 0:80

�cm NAr

�35Æ 105767 � 325

�52Æ 14902 � 122

52Æ 14728 � 121

69Æ 4110 � 64

�cm NH

�60Æ 18223 � 176

�90Æ 21776 � 158

90Æ 21815 � 157

120Æ 50091 � 237

NH=NAr

0:17 � 0:01

1:46 � 0:01

1:48 � 0:01

12:19 � 0:02

8 MeV Li+Areje Li+Hres

�lab leff

rel
lab

�30Æ 1:48

�45Æ 1

45Æ 0:99

60Æ 0:80

�cm NAr

�35Æ 40603 � 202

�52Æ 5896 � 77

52Æ 5704 � 76

69Æ 1619 � 40

�cm NH

�60Æ 16844 � 135

�90Æ 11169 � 113

90Æ 11209 � 112

120Æ 19660 � 163

�cm=�
R
cm

2:45 � 0:02

1:31 � 0:01

1:32 � 0:01

1:01 � 0:02
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particles scattered by the lithium beam.

one at 975 keV center of mass energy the values:

�cm
�Rcm

(30Æ; 975 keV ) = 2:45 � 0:02

�cm

�Rcm
(45Æ; 975 keV ) = 1:31 � 0:01

�cm

�Rcm
(60Æ; 975 keV ) = 1:01 � 0:01 (3.17)

Then two runs were performed bombarding, again, the Ar � H mixture with an

8 MeV 7Li beam and an 8 MeV 7Be beam. The ratios of elastic scattering yields

in the two runs provided the absolute elastic scattering cross section �Becm(�; E
Be
cm)

at EBe
cm = 954 keV , by means of the knowledge of the elastic scattering of the other

three processes (see table 3.2.2). The absolute cross section of Be+p elastic scattering
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Table 3.4: In table the results of the measurements of the scattering cross sec-

tions for 7Li + p, 7Li + Ar, 7Be + p and 7Be + Ar processes at 8 MeV energy.

Starting from the �rst column for each energy we report: the laboratory sil-

icon detector angles, the value of leff

rel
lab, the scattering angles for lithium or

beryllium particles scattered by argon in center of mass system corresponding

to the detector angles, the number of lithium or beryllium particles counted

during the measurement, the scattering angles for proton particles in center of

mass system corresponding to the detector angles, the number of proton par-

ticles counted during the measurement and the ration between the proton and

lithium or beryllium particles.

8 MeV Li+Areje Li+Hres

�lab leff

rel
lab

�30Æ 1:48

�45Æ 1

45Æ 0:99

60Æ 0:80

�cm NAr

�35Æ 15893 � 126

�52Æ 2275 � 48

52Æ 2263 � 48

69Æ 624 � 25

�cm NH

�60Æ 4228 � 66

�90Æ 2713 � 56

90Æ 2743 � 55

120Æ 5012 � 77

8 MeV Be+Areje Be+Hres

�lab leff

rel
lab

�30Æ 1:48
�45Æ 1

45Æ 0:99

60Æ 0:80

�cm NAr

�35Æ 546 � 23

�52Æ 87� 9

52Æ 77� 9

69Æ 21� 5

�cm NH

�60Æ 48� 7

�90Æ 70� 10

90Æ 78� 9

120Æ 239 � 18

�cm=�
R
cm

0:81 � 0:12

0:95 � 0:13

1:07 � 0:13

1:42 � 0:11

reaction at 954 keV center of mass energy is:

�cm

�Rcm
(30Æ; 954 keV ) = 0:81 � 0:12

�cm

�Rcm
(45Æ; 954 keV ) = 1:01 � 0:09

�cm

�Rcm
(60Æ; 954 keV ) = 1:42 � 0:11 (3.18)

Note that the deduced values are not a�ected by the fact that EBe
cm 6= ELi

cm, but

they refer to a c.m. energy which is slightly di�erent from that of the reaction cross

section measurement. The measurement of boron recoil fragments the gas target was

�lled only with H2. This reduces the energy lost by the incident beam, so that the

extracted values 3.18 cannot beused directly in eq. 2.21, as they refer to a slightly

di�erent energy. The variation of �=�R for 7Be+ p elastic scattering values between
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Figure 3.18: Absolute elastic scattering cross sections for 7Be+p at Ecm = 954 keV

(triangles) and relative cross section for 7Be+ p at Ecm = 990 keV (dots).

two energies can be attributed to the di�erent importance of the interference with the

39 keV broad resonance at ER = 632 keV . This e�ect is expected to decrease with

increasing energy above the resonance and to be absent at �cm = 90Æ (�lab = 45Æ),

due to the p-wave character of the resonant term and the predominance of s-waves in

the non resonant scattering channel . Indeed, this is con�rmed by the comparison of

the absolute �=�R values measured at EBe
cm = 954 keV with the relative ones deduced

from the data at EBe
cm = 990 keV , also shown in �g. 3.18 after normalization to

�=�R = 1 at �cm = 90Æ. For our purpose we can then neglet the di�erence between

the elastic scattering cross section at 45Æ angle for the two incident energies:

�cm

�Rcm
(45Æ; 990 keV ) =

�cm

�Rcm
(45Æ; 954 keV ) = 1:01 � 0:09 (3.19)



81

8B recoil

“leaky” beam

Eres[channel]

∆ E
re

s[
ch

an
ne

l]

7Be(p,γ)8B        990keV

Figure 3.19: Final matrix with the 13 counts of 8B.



82

Table 3.5: Final results of p(7Be; )8B measurement starting from the �rst col-

umn we report the laboratory silicon detector angles, the value of leff

rel
lab and


cm=
lab, the scattering angles for proton particles in center of mass system

corresponding to the detector angles, the number of proton particles counted

during the measurement of boron particles and the number of 8B recoils.

8 MeV Be+Hel
8Brec

�lab leff

rel
lab 
cm=
lab

30Æ 1:48 3:46

45Æ 1 2:83

60Æ 0:80 2:00

�cm NH

60Æ 282 � 17

90Æ 365� 11

120Æ 944 � 37

N8B

13:0� 3:6

3.2.3 The cross section and the astrophysical factor at 990 keV

center of mass energy

The above value in the equation 3.19 has to be used to extract the reaction cross

section:

�r(Ecm) =
NB

NH

lH
lab(
cm=
lab)

(�5+ "B)
�cm(45

Æ; Ecm) (3.20)

In �gure 3.19 we show the �nal matrix with the 13 8B counts obtained during the

runs. In table 3.2.3 we resume the data taken during the RMS measurement.

The resulting value is �r(990 keV ) = (0:40 � 0:12)�b, which corresponds to an

astrophysical S factor S(990 keV ) = (16:5 � 4:8) eV b. Scaling this value with the

energy dependence of [33], we obtain S(0) = (15:3 � 4:5) eV b. The experiment de-

scribed above demonstrates the feasibility of the techniques used in the study of this

reaction so critical for the solar neutrino problem. An improvement of the statistical

uncertainty attainable with the present technique could be achieved - besides the pos-

sibility of using a prohibitive amount of activity of the order of 1 TBq - by increasing

the accelerator transmission and/or by using a more probable charge state for the

accelerated 7 Be ions (i.e. q = 2+ with �2+ = 70%), which would require a terminal

voltage not accessible to our accelerator. Within the present statistical uncertainty

this result is consistent with the values recommended recently [62] [33]. However,
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Figure 3.20: Survival probability for the small angle solution in the MSW frame-

work using the 15 eV b for S17(0).

a closer comparison with individual data sets considered in the above compilations

shows an agreement at the level of 1� just with the lowest S(0) values obtained in the

most recent delayed activity measurements [65] [108] [40] [50]. In spite of this large

statistical uncertainty, the present result indicates a possible overestimation of S17(0)

from previous measurements, due to the systematic e�ects discussed above. We want

now to show how a reduction of S17(0) would inuence the conclusion drawn with the

application of the MSW theory to the analysis of the solar neutrino measurements

(section 3.1).

Using, as value of the 7Be(p; )8B reaction rate for solar model calculation, that

resulting by S(0) = 15:3, we �nd an unique solution for solar neutrino problem in

the framework of MSW theory. Indeed, the �2 minimum for the large mixing angle

is suppressed and that for the small mixing angle (see �gs. 3.20 and 3.21)yields the

following values of the free parameters:
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sin22� = (3:73+0:32�0:33) � 10�3, which means � � 4Æ and Æm2 = (3:53 � 0:12) �

10�6 eV2 with a �2 = 0:98. It can be seen, by comparison with the values reported

in section 3.1, that the squared-mass di�erence is not e�ected by the S17(0) value,

while the mixing angle parameter is reduced from sin22� = (6:69+0:36�0:34) � 10�3 to

sin22� = (3:73+0:32�0:33) � 10�3. However, it has to be noted that in the above �t

procedure the statistical uncertainty in S17(0) is not included, so that the quoted

reduction in sin2 2� awaits for a con�rmation from a more precise determination of

the S-factor of the 7Be(p; )8B reaction.



86



Chapter 4

The 12C(�; )16O reaction

"The rate of the 12C(�; )16O during hydrostatic helium burning is of vital interest

for explosive nucleosynthesis. It is this process that determines the abundances of

12C and 16O in the star, and thereby sets the stage for explosive burning...The rate

is determined by the 7.115 MeV level in the 16O compound nucleus. At present the

reduced width �2� of this resonance for � captures is not known." These were the

words used by Arnett in his review included in the 1973 issue of the Ann.Rev.A.A

to point out the importance of this reaction in determining the �nal yields coming

from the explosion of a supernova event and the frustrating situation that this rate

was not known. The following 30 years did not change much the situation, even if we

now understand that it is not only the reduced width of the 7:115 MeV level in 16O

which determines the rate (see 4.4).

Since this process directly operates in the He burning phase, determining all the

further evolution of a star - because it controls the chemical composition of the mat-

ter left by the He burning -, all model calculation for stars which burns helium

(Mstar > 0:55M�) will be a�ected by the adopted rate. Reasercher's e�orts devoted

to obtain information about the e�ective rate of this reaction using astrophysical

arguments are vanished by the fact that the 12C(�; )16O reaction occurs in a con-

vective environment. Indeed, di�erences in the reaction rate value can be simulated

by changes in convection treatment, since the �nal abundance of carbon and oxygen

87
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critically depends on the convection choices. For these reasons, the cross section �(E)

should be known with a precision of at least 10%. In spite of tremendous experimen-

tal e�orts over nearly 30 years, one is still far from this goal (a recent compilation,

NACRE [3], quotes an uncertainty larger than 100%).

In the next sections we will underline the role of some convection mechanisms

(overshooting and semiconvection) which take place at the border of the convective

core (section 4.1); we will present a set of model calculation for stars with mass in the

range of 0:8 � M=M� � 25 up to the end of the helium burning, using two di�erent

values of the 12C(�; )16O reaction rate and we will perform some tests changing

the convection assumptions (section 4.2); moreover, we will discuss the results of the

evolution of 25M� star up to explosion as a type II supernova (section 4.3). Then we

will show the experimental situation of the measurement of the 12C(�; )16O and the

status the Recoil Mass Separator project in Bochum, which aims to the study of the

reaction in inverse kinematics (4.4).

4.1 Overshooting and semiconvection

In the �rst chapter we have described the "standard" treatment of the convection

(section 1.2.2), while now we want to discuss some particular convective instabilities,

which may occur at the border of the convective core. Indeed the transformation

of some elements in others, which have di�erent opacity, can change the thermal

gradient.

In the low mass stars during the central He burning, helium is converted in carbon

�rst and in oxygen later. The increase of the 12C and 16O abundances in the convective

core raises the opacity so that a jump in the radiative gradient forms at the border of

the convective core. This is a condition of unstable equilibrium in the sense that the

possible mixing (by whichever phenomenon) of the radiative zone at the border of

the convective region within the core itself would switch these layers from a stable to

an unstable condition. The reason is that the C brought in the (previously) radiative
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Figure 4.1: The �gure shows how the pro�le of the radiative gradient is modi�ed

by the Semi-Convective region. Indeed, in the �ve pictures it is shown the

formation of a region in which the matter is only partially mixed. Dashed lines

represent the initial and �nal pro�le of the radiative gradient. The Convective

Core, the Semi-Convective and the radiative layers are indicated. The extent

of convective mixing during the intermediate phases is indicated by the label

M.

layer raises the radiative gradient (through the opacity) so that it becomes intrinsically

convectively unstable. This phenomenon, usually called "induced" overshooting, does

not contain any free parameter which may be adjusted by hand since the process of

"growth" of the border of the convective core is fully controlled by the requirement

that the jump in the radiative gradient is canceled out. The word "induced" refers

to the fact that this phenomenon is induced by the conversion of He in C and O.

When the central He abundance drops below, � 0:6 by mass fraction the radiative

gradient does not decrease any more monotonically moving from the center towards

the border of the convective core but it forms a minimum before reaching the outer

border of the core. This occurrence triggers the formation of a region in which the
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matter is only partially mixed: the condition which controls the degree of mixing

occurring in this region is that the radiative gradient equates the adiabatic one (this

equality is controlled, once again, by the opacity which, in turn, depends on the local

abundances of C and O in these layers). This is the so called "semiconvective" region

which forms in low mass stars [23] (see �gure 4.1).

Since the "induced" overshooting and semiconvection completely depend on the

fact that the opacity is a strong function of the chemical composition, it is clear that

they become progressively less important, and eventually disappear, as the initial

mass of a star increases because the electron scattering (which does not depend on

the chemical composition in an environment deprived of H) becomes the main source

of the opacity. In practice the semiconvective layer disappears for masses above

� 5 M� while the "induced" overshooting remains at least partially eÆcient up to

� 20 M�.

The con�rmation that these phenomena probably occur in low mass stars is mainly

supported by the star counts in the galactic globular clusters. Note that these clusters

are populated by coeval stars with di�erent initial masses and so more massive stars

burn faster a given element because of the larger energy lost by the surface (L /M3).

The ratio between the He burning stars (Horizontal Branch stars) and those ascending

along the Giant Branch (see �gure 4.2) can be explained only if the central He burning

timescale is the one obtained by including these two phenomena (see again [23]).

During the latest part of the central He burning (i.e. when the He drops below 0.1

by mass fraction), it has long been found that a runaway of the outer border of the

convective core occurs (usually called Breathing Pulse [22]): its main e�ect is that

of engul�ng fresh He towards the center and hence that of prolonging the central

He burning lifetime. Though a discussion on the real existence of these instabilities

goes well beyond the purposes of this thesis, here we want simply remark that their

inclusion or suppression signi�cantly alters also the abundances of C and O at the

end of the He burning.
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Figure 4.2: Typical HR diagram.

In the �eld of massive stars the word overshooting is used to mention the possi-

bility that convective bubbles may escape the classical border of a convective region

and, hence, induce the mixing of a region larger than classically allowed by the strict

adoption the Schwartzschild criterion. This is a mechanical phenomenon which is

not con�ned to a speci�c evolutionary phase but which may be present at the bor-

der of any convective region. The extension (having accepted that it exists) of this

overshooted region is, in principle, totally arbitrary and usually parameterized by

imposing that the convective bubbles may reach a maximum extension x times the

pressure scale height (Hp). The existence of a convective core larger than permitted

by the Schwarzchild criterion was invoked in the past in order to explain some ob-

servational data [44, 69, 102]. Though we do not intend to discuss here the possible

existence or not of a mechanical overshooting, it must be said, for sake of complete-

ness, that during the years the size of this phenomenon in the central H burning phase

progressively reduced from ' 1 Hp down to less than 0:2 Hp.

The word semiconvection is used, in this frame, to indicate the partial mixing

which (would) occur at the end of central H burning in the region of variable chemical

composition left by the receding H-convective core. Just to be clearer: the convective
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Figure 4.3: Comparison between the run with the mixing of the H semi-

convective shell (dashed line) and that without mixing (solid line). The cross

represents the starting of the helium burning.

core which forms during the central H burning phase of massive stars progressively

shrinks (in mass) as the H is converted in He leaving behind a gradient of molecular

weight. The responsible of such a shrinking is mainly the opacity which is dominated

in this case by the electron scattering and hence lowers together with the H abundance.

When the star exhausts the H in the center and readjusts on a structure supported

by a shell burning, the radiative gradient overcomes the adiabatic one within these

layers showing a gradient of chemical composition. Quite unfortunately, while these

layers would be de�nitely convectively unstable if the Schwarzchild criterion were

adopted to asses their stability, the adoption of the Ledoux (eq. 1.30) criterion would

maintain these layers stable. Observational constraints [44] mainly related to the

observed number ratio between red and blue supergiants seem to favor a partial (or

even negligible) amount of mixing in the H (semi)-convective shell of massive stars

leaving the MS. Note that the choice about the semiconvective shell is related to the
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number of Red and Blue supergiants, since the mixing implies that the stars start the

helium burning as a Blue stars, will not mixing the star �rstly becomes a Red giant

and after will burn the helium (see �g. 4.3).

Also in this case we do not want to discuss the validity of the Ledoux criterion

or the eÆciency of mixing when a gradient of chemical composition is present, but

it is worth noting that the adoption of this criterion and, what it is more important,

the speci�c algorithm adopted to partially mix the matter can signi�cantly alter the

possible ingestion of fresh He during the �nal part of the central He burning phase

and hence both the He burning itself and the �nal C and O abundances. We will

present at the end of the next section a numerical test which simulates the ingestion

of a little amount of fresh helium when the central helium abundance is lower than

Y < 0:075. This fresh helium will serve only to produce oxygen via 12C(�; )16O

reaction changing drastically the �nal C and O abundance.

Before closing this section let us clearly state that our standard computations

are obtained by adopting always the Schwarzchild criterion, but in the central He

burning phase where both the "induced" overshooting and semiconvection (i.e. the

typical phenomena present in low mass He burning stars) are properly taken into

account if present; while the Breathing Pulses are quenched by forcing the central He

abundance to be a monotonic not increasing function of time.

4.2 Inuence of the 12C(�; )16O reaction rate on

the central Helium Burning phase

Theoretical e�orts devoted to constrain the rate of 12C(�; )16O process on the basis of

some "observables" have been initiated by Arnett, �rst, and by Weaver and Woosley,

later. Arnett [4, 5] was the �rst to point out that the observed solar abundances of

the carbon and oxygen could be used to constrain the eÆciency of the 12C(�; )16O

cross section. On the same guideline, Weaver and Woosley [109] also tried to �x this

rate by comparing yields obtained by adopting di�erent rates for this process with
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Figure 4.4: Complete track set in HR theoretical diagram for the computed

models using for the value of the 12C(�; )16O reaction rate the CF85.
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Figure 4.5: Complete track set in HR theoretical diagram for the computed

models using for the value of the 12C(�; )16O reaction rate the CF88.

the solar chemical composition.

In addition to these e�orts made to constrain "observationally", this rate, there are

also a number of papers devoted to the analysis of the dependence of the evolutionary

properties of the stars on this rate. In particular there are some in which it has been

tested directly the inuence of this rate on the central He burning phase: in order

to understand how di�erent choices for this rate could alter the predicted properties

of cepheids stars, [55, 54, 16] found that the extension of the blue loop in the HR

diagram was a function of this rate and hence that it could inuence the expected
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Figure 4.6: Complete track set in Log(tc)�Log(�c) plane for the computed models

using for the value of the 12C(�; )16O reaction rate the CF85.

range of masses capable of entering the instability strip. At variance with these

�ndings [76] and [110] noticed that the 12C(�; )16O does not a�ect the the path of

a star in the HR diagram. For sake of completeness we want to remind that it has

also been studied the properties of the cooling sequences of the WDs as a function of

this rate.

The main motivation for this work borns from the simple consideration that the

12C(�; )16O reaction occurs in a convective environment and, hence, an analysis of

its inuence on the evolution of a star cannot be disentangled by the behavior of
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the convective core. Indeed, the �nal carbon and oxygen abundances left by the He

burning largely depends on a delicate balance between the eÆciency of this rate and

the treatment of the convective instabilities. This means that, in general, there is

no hope to con�ne the eÆciency of this rate on "observable" data. The only thing

which may be constrained is the C (O) abundance left by the He burning and not

the rate. The, unfortunately, largely radicated idea that paper [109] strongly favors

a rate 1.7 times the value of Caughlan & Fowler compilation of 1988 [26] (CF88) is

unsubstantiated.

The famous �gure in the cited paper [109], so as the whole paper, must be in-

terpreted as a support for a C abundance left by the He burning of the order of

X12C � 0:2, i.e. the value obtained by Woosley and Weaver by adopting their scheme

of mixing and the CF88 rate times 1.7.

A further occurrence which enhances the inuence of this process on the evolution

of a star is that it is not the dominant one in the central He burning but a sort of

"side" process. In fact, it must be reminded that in all phases in which the nuclear

energy production is mainly controlled by the mass of the star (i.e. the central H and

He burnings phases) even large changes in the cross section of a dominant process

are easily managed by the star which counterbalances this changing by an opposite

and small change in the temperature: for example, an increase of the cross section of

the 14N(p; )15O reaction by an order of magnitude does not change AT ALL the MS

lifetime of a star fully supported by the CNO cycle. On the contrary, if the eÆciency

of a process is not controlled by the star itself (which occurs if it is a "side" process

or, alternatively, if the star is not in the central H or He burning phase) any changing

of its cross section fully reects on the evolution of the star.

4.2.1 The models

We followed the evolution of stellar model having Z=0.02 (Y=0.285 and 2:5 �

M=M� � 25) from the MS up to the central He exhaustion. We also followed the

central He burning phase of a "typical" HB star, i.e. a star having an He core mass
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Figure 4.7: Complete track set in Log(tc)�Log(�c) plane for the computed models

using for the value of the 12C(�; )16O reaction rate the CF88.
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of 0:485M�, a total mass of 0:6 M�, an initial He abundance Y=0.23 and metallicity

Z=0.001. All these evolutions have been computed twice, once by adopting the CF88

[26] rate and once the CF85 [25] one for the 12C(�; )16O reaction rate.

Table 4.1 summarizes for each mass the main evolutionary properties (each couple

of columns refers to values obtained with the CF88 and the CF85 rates, respectively).

In order, left to right we report: the central He burning lifetime, the Carbon and

Oxygen abundances left by the He burning, the time spent by each model in the blue

loop (i.e. at Log(Teff � 3:80), the fraction of the He burning lifetime spent in the

blue loop, the He core mass at the He ignition, the maximum size of the convective

core and the �nal He core mass at the He exhaustion.

Figs. 4.4 to 4.13 summarize graphically the net e�ect of a changing of the

12C(�; )16O reaction rate from the CF88 to the CF85 one on the central He burning

phase. In particular: �g. 4.4, 4.5, 4.6, 4.7 show the complete set of models calculated

in the HR diagram and Log(tc) � Log(�c) plane respectively; �g. 4.8, 4.9 and 4.10

show the path followed by intermediate masses, massive and HB calculated models in

the HR diagram (the solid and dashed lines refer, respectively, to models computed

with the CF85 and CF88 rate), �g. 4.11 shows, as �lled dots, the di�erence in the He

burning lifetimes (in percent) obtained for the two rates as a function of the initial

mass while 4.12 shows the fractional time of helium burning (in percent) spent in the

blue loop (the �lled and open dots refer, respectively, to models computed with the

CF88 and CF85 rate).

All these �gures show that an uncertainty of the 12C(�; )16O within the quoted

range does not alter dramatically the "observable" properties of a star in the central

He burning phase. In particular, the path followed by these stars in the HR diagram

is practically una�ected while the He burning lifetime is altered by 10% at most so

as the percentage of time spent by a star in the blue loop. Note that the largest mass

experiencing a blue loop depends (even if mildly) on the 12C(�; )16O since it shifts

from the 14 to 15 M=M�.
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Figure 4.8: Path followed by the 0:8M� model in the HR diagram: the solid

and dotted lines represent the evolutions obtained by adopting, respectively,

the CF85 and CF88 rates of the 12C(�; )16O.
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Figure 4.9: Path followed by the 2:5M�, 5M� and 8M� models in the HR dia-

gram: the solid and dotted lines represent the evolutions obtained by adopting,

respectively, the CF85 and CF88 rates of the 12C(�; )16O.
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Figure 4.10: Path followed by the 10M�, 15M� and 25M� models in the HR dia-

gram: the solid and dotted lines represent the evolutions obtained by adopting,

respectively, the CF85 and CF88 rates of the 12C(�; )16O.
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Figure 4.11: The �gure shows the di�erence in the He burning lifetimes (in

percent) obtained for the two rates as a function of the initial mass.

In addition to the direct inuence of the 12C(�; )16O on the "observable" proper-

ties of a star, it is of crucial importance to investigate the dependence of the chemical

composition left by the He burning as a function of the 12C(�; )16O, i.e. the C and

O abundances since it will inuence all the further evolution of a star. Fig. 4.13

shows the amount of carbon left by the He burning as a function of the initial mass.

The �lled symbols refer always to computations performed by adopting the CF88

value while the open symbols always refer to models computed by adopting the CF85

value; the dots refer to our "standard" models. The �rst thing worth noting is that

the two sets of models show essentially the same dependence of the �nal C abundance

on the initial mass and hence that they are more or less systematically shifted one

respect to the other by 0.20:0.25 dex.

The general trend is that the C abundance left by the He burning increases moving

from the largest He core masses towards the smaller ones, then a maximum is reached

for a mass of the order of 5 M� and then a drop occurs for smaller values of the
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Figure 4.12: The �gure shows the fractional time of helium burning (in percent)

spent in the blue loop. The �lled and open dots refer, respectively, to models

computed with the CF88 and CF85 rate for the 12C(�; )16O reaction.

mass; the HB star (shown as a triangle) closely behaves like the 3 M�. However

the maximum excursion of the C abundance is con�ned within 0.15 dex over the full

mass range here analyzed, and this excursion even reduces to 0.1 dex for the masses

larger than, say, 8 M�. The existence of this trend with the initial mass may be

understood by reminding that, for any given temperature, the lower the mass the

larger the density (see �gs. 4.6 and 4.6): since the rate of the 3� depends on the

square of the density while the rate of the 12C(�; )16O depends only linearly on the

density, a smaller mass favors the carbon production with respect to its destruction.

It is important to underline here that this trend holds only because all these stars

share the same behavior of the convective cores (see below). In fact the onset of a

turnover in the �nal C abundance when the initial mass drops below 5 solar masses

is due to the appearance of a semiconvective region at the border of the convective

core, phenomenon which enhances the conversion of C in O.

Since the process we are dealing with occurs in a convective environment it is now
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Figure 4.13: The �gure shows the amount of carbon left by the He burning as a

function of the initial mass. The �lled symbols refer to computations performed

by adopting the CF88 value while the open ones refer to models computed by

adopting the CF85 value.
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important to verify if, and at what extent, the present results depend on the adopted

convective scenario: in particular we recomputed the central He burning of a selected

subset of the tracks by including, this time, an amount of mechanical overshooting

equal to 1 Hp. In spite of a much larger (mass) size of the convective core the �nal C

abundance (shown as triangles in �g. 4.14) closely resemble the one obtained in the

standard case all over the mass range explored here. This is not a surprising result

because a simple changing of the size of the convective core does not alter appreciably

the run of neither the central temperature nor the density versus the He abundance

(see �g. 4.15), and hence the rate at which He in converted in C, and the C in O, is

not signi�cantly modi�ed. The only thing which changes in these tests is the total

burning time because the available "reservoir" grows with the size of the convective

core.

The "mechanical" overshooting, however, is not the only phenomenon which may

a�ect the central He burning. How we have already stated before, all the present

"standard" models have been obtained by inhibiting the possible occurrence of the

Breathing Pulses. If we release such a condition and allow the convective core to

behave freely we obtain the results shown in �g.x as squares: in this case all the

masses in which the BP phenomenon occurs show a central C abundance much smaller

than in the standard case. The reason is that this kind of mixing deeply alters the

behavior of the He burning since, instead of a simple rescaling, we face now a situation

in which fresh He is brought in the center of these stars when there is already a large

abundance of C and a low abundance of He: this situation speeds up and increases

the conversion of C in O. How it is evident from �g. 4.14, since the occurrence of

the BP depends on the initial mass, the changing of the �nal C abundance with

respect to the standard case depends on the initial mass. Above the 15 M� the BP

phenomenon does not occur and hence the �nal C abundance remains una�ected

above this threshold value. As a �nal comment on this scenario let us underline

that the inclusion of the BP phenomenon tends to atten out the dependence of the

C abundance on the initial mass. Of course a similar result would be obtained by
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Figure 4.14: The �gure shows, overposed to our "standard" models, the amount

of carbon left by the He burning as a function of the initial mass for computed

models adopting a mechanical overshooting equal to 1 Hp (red triangle) and

models without inhibiting the possible occurrence of the Breathing Pulses (red

squares), always considering the CF88 reaction rate. Moreover, the red dot is

refered to a numerical teststand for a 15 solar masses in which just 0.1 hp of

mechanical overshooting is allowed when the central He burning drops below

0.075 by mass fraction, again it used the CF88 rate.
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Figure 4.15: Central temperature (upper panel) and density (lower panel) as a

function of central abundance of helium. The �lled line refers to CF88 standard

model, while the dotted one to the model of 1 Hp overshooting.



110

adopting the CF85 rate.

Once again, these are not the only two possible "convective" scenarios. Another

possibility could come from the adoption of the Ledoux criterion coupled to a speci�c

(and arbitrary) treatment of the region in which the radiative stability is granted

only by the existence of a gradient of molecular weight. Just as a last "numerical"

example we show, as a red dot in �g. 4.14, the C abundance left by the He burning

of a 15 solar masses in which just 0.1 hp of mechanical overshooting is allowed when

the central He burning drops below 0.075 by mass fraction: in this case the �nal C

abundance closely resembles the value obtained by adopting the CF85 rate.

We conclude that the details of the mixing technique adopted to treat the mixing in

the last part of the central He burning may a�ect (also drastically) the �nal Carbon

and Oxygen abundances. Hence a better experimental knowledge of 12C(�; )16O

cross section will also help to shed light on the eÆciency of the convective instabilities

which may or may not occur during the latest phases of the He burning. It is worth

stressing again that trying to gain information about this nuclear cross section using

astrophysical constrains is vanished by the uncertainty in the convection treatment

and the only thing which may be constrained is the C (O) abundance left by the He

burning and not the rate.

4.3 The advanced evolutionary phases of a 25M�

In the previous section we showed the direct inuence of the 12C(�; )16O process on

the central He burning of stars in a wide mass interval together with its interplay

with the treatment of the convective core. The next logical step would be to follow

the further evolution of all these stars in order to determine the �nal impact of this

process on stars of di�erent masses. Such a big project goes beyond the purposes

of the present work: in this section we will concentrate on the further evolution of

the 25 M� (taken as representative of the massive stars) up to the �nal collapse

and explosion. The carbon abundance left by the He burning is Xcent
C = 0:4 for the
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CF88 rate and Xcent
C = 0:2 for the CF85 one. Let us stress once again that all the

evolutionary properties we will discuss below depend directly on the C abundance

left by the He burning and not on the 12C(�; )16O reaction rate adopted. This is

an important point to underline because, how we have already discussed above, the

same C abundance (and hence the same evolutionary properties) may be obtained by

di�erent choices of this rate and of the treatment of convection. For this reason we

will refer to these test tracks as C4 (CF88 rate) and C2 (CF85 rate).

The main evolutionary properties of these two evolutions are summarized in table

4.2 and in �gs. 4.16 and 4.22. Table 4.2 reports, for each central burning, its lifetime,

the size of the convective core, the abundance of the most abundant elements produced

in the burning so as the data relative to the convective shell episodes, if present. In

particular we report: for the hydrogen burning we report the time (�H) and maximum

mass of hydrogen convective core (MCC); for the helium burning the time between

the end of hydrogen burning and the beginning of helium burning(� t(H-exh.He-

ign.)), the time of helium burning (�He), maximum mass of helium convective core

(MCC), the life time of the helium convective shell (�tHe conv shell), the maximum

mass size of the helium shell (�MHe conv shell) and the abundance of 12C and 16O at

the end of the burning; for the carbon burning the time between the end of helium

burning and the beginning of carbon burning(�t(He-exh.C-ign.)), the time of carbon

burning (�C), maximum mass of carbon convective core (MCC), the life time of the

carbon convective shells (�t1�2C conv shell), the maximum mass size of the helium

shells (�M1�2He conv shell) and the abundance of 16O, 20Ne and 24Mg at the end of

the burning; for the neon burning the time of the burning (�Ne), maximum mass of

neon convective core (MCC) and the abundance of 16O, 24Mg and 28Si at the end of

the burning; for the oxygen burning the time of the burning (�O), maximum mass of

neon convective core (MCC) and the abundance of 28Si, 32S and 34S at the end of

the burning; for the silicon burning the time of the burning (�Si), maximum mass of

neon convective core (MCC) and the abundance of 56Fe and 60Ni at the end of the

burning.
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Table 4.2: Final stages of 25M� star.

CF88 CF85

H Burning

�H(yr) 5.81(6) 5.81(6)

MCC(M�) 12.7 12.7

He Burning

�t(H-exh.He-ign.) 2.70(4) 2.70(4)

�He(yr) 5.8(5) 6.37(5)

MCC(M�) 5.6 5.8

�tHe conv shell(yr) 1.6(4) 1.5(4)

�MHe conv shell(M�) 2.1 2.2
12C 0.424 0.200
16O 0.546 0.769

C Burning

�t(He-exh.C-ign.) 1.17(4) 1.03(4)

�C(yr) 5.76(3) 4.56(3)

MCC(M�) 0.5

�t1C conv shell(yr) 91 1

�M1C conv shell(M�) 1 1.2

�t2C conv shell(yr) 40 0.2

�M2C conv shell(M�) 3 2.4
16O 0.378 0.674
20Ne 0.478 0.260
24Mg 0.014 0.076

Ne Burning

�Ne(yr) 37.9 6.01

MCC(M�) 0.56 0.77
16O 0.632 0.810
24Mg 0.139 0.072
28Si 0.143 0.071

O Burning

�O(yr) 1.62 0.274

MCC(M�) 1.26 0.98
28Si 0.561 0.604
32S 0.014 0.008
34S 0.336 0.150

Si Burning

�Si(yr) 0.21 0.0167

MCC(M�) 0.95 1.28
56Fe 0.507 0.674
60Ni 0.007 0.023
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Figure 4.16: Path followed by the 25M� model in the Log(tc) � Log(�c) plane

adopting the CF85 rates of the 12C(�; )16O.
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Figure 4.17: Path followed by the 25M� model in the Log(tc) � Log(�c) plane

adopting the CF88 rates of the 12C(�; )16O.
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Figure 4.18: Temporal evolution of the convective regions (solid lines) and of

the nuclear burning shells (dotted lines) for the C2 model.
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Figure 4.19: Temporal evolution of the convective regions (solid lines) and of

the nuclear burning shells (dotted lines) for the C4 model.
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Figs. 4.16 and 4.17 shows the path followed by the two stars in the Log(tc) �

Log(�c) plane while �gs. 4.18 and 4.19 shows the behavior of the convective regions

as a function of time. These two �gures summarize the temporal evolution of the

two stellar models up to the moment of the core collapse while a snapshot of the

�nal structure at the moment of the explosion is shown in �gs. 4.20 and 4.22: the

�rst of the two shows the internal run of the most abundant elements while �g. 4.22

shows the �nal mass-radius relation together to the �nal Ye distribution. We will not

discuss in details the properties of the various burnings and we refer the reader to

[27, 70] for a detailed analysis of the advanced burnings; here we want to underline the

key changings in the evolutionary properties due to a changing of the C abundance

present in the He exhausted core.

The �rst thing we want to note is that the region outside the Carbon Oxygen core,

i.e. the He and H rich layers, is not inuenced by the Carbon abundance left by the He

burning: the reason is obviously that the typical timescale on which this outer region

may evolve is much longer than the lifetime of all the advanced burning phases put

together. The carbon burning, on the contrary, di�ers deeply in the two runs. Since,

how it is well known, the neutrino losses begin to become a very eÆcient energy sink

then the formation of a convective core requires the nuclear energy to overcome the

neutrino losses. The main process in the carbon burning is 12C(12C; �)20Ne, therefore

the energy rate depends quadratically on the C abundance. Thus, it is clear that a

convective core may form only if the carbon abundance is suÆciently large. In our case

it happens that the C4 run can form a convective core while the C2 run burns carbon

in a radiative environment. Once the 12C is exhausted in the center, however, in both

cases the further evolution of the carbon shell is characterized by the formation of

successive convective episodes. In spite of the very di�erent amount of fuel available,

the �nal C convective shell shows some conspicuous similarities: in particular the

outer border of the convective shell is essentially insensible to Cini since because it is

�xed by the location of the He shell (which is the same in the two cases) while the

inner one is mildly dependent on Cini because a lower C abundance allows a faster
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Figure 4.20: Final structures of the two models: the internal run of the most

abundant elements for C2 model (upper panel) and C4 model (lower panel).
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advancing of the burning shell (which marks the base of the convective shell). Roughly

speaking, the size of the convective shell reduces by almost the 20% by mass fraction

by changing the C abundance from 0.4 down to 0.2 dex. Moreover, in both cases the

C present in this last convective shell episode is almost completely burned out. These

similarities imply that the �nal chemical composition (both relative and absolute)

present in this shell largely depends on Cini. The reason is obviously that, since

the C is almost completely destroyed in both cases, the abundances of the elements

coming directly from this burning will totally depend on the initial abundance of C.

These elements are: Ne, Na, Mg, Al, P and Cl. In particular Ne and Mg are the ones

which are more directly linked to the C abundance (see section 4.3). The further

evolution of these two models reects the fact that the presence of a very eÆcient

convective shell in the C4 run slows down the contraction of the part of the CO-core

which lies outside the base of the C-burning shell. To clarify this situation �g. 4.21

lower panel shows, for the C4 case, the mass-radius relation at various stages starting

from the end of central Carbon burning (black line) up to the moment of the collapse

(green line). It is rather evident that the changing in the shape which forms at a

mass coordinate of 1:2 M� is due to the formation of an extended and very eÆcient

convective shell: this occurrence creates a decoupling in the behavior of the star in

the sense that it slows down the contraction of the outer part of the CO core. Upper

panel of �g. 4.21 shows the same data but for the C2 run. In this case the carbon

abundance is low enough that the Carbon shell is not able anyway to slow down the

contraction of the outer regions and the relation M-R remains essentially linear until

the latest phases of contraction.

The �nal M-R relation (�g. 4.22) shows that the C4 run produces a less compact

structure with respect to the C2 run. This means that the global amount of matter

which will be subject to the explosive burnings will be smaller in the C4 case with

respect to the C2. Anyway by allowing the formation of a shock wave corresponding

to an initial energy of 1:2 � 1051 erg in the mantle of the two stellar models one can

compute the �nal chemical composition which will be returned to the interstellar
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Table 4.3: Total amount of each element spread in the interstellar medium and

the percent di�erence, for each element, between the two cases: the total mass

ejected is 23:08 M� for C4 and 22:57 M� for C2.

CF88 CF85 %

M� M�

H 1:04 � 10+01 1:04 � 10+01 0:0

He 8:14 � 10+00 8:02 � 10+00 1:4
C 6:85 � 10�01 5:06 � 10�01 35:4

N 8:11 � 10�02 7:88 � 10�02 3:0

O 1:71 � 10+00 2:39 � 10+00 �28:3

F 1:09 � 10�05 1:27 � 10�05 �14:1

Ne 1:08 � 10+00 4:14 � 10+01 159:6

Na 3:23 � 10�02 1:60 � 10�02 102:3

Mg 3:60 � 10�01 1:25 � 10�01 188:3

Al 3:20 � 10�02 1:26 � 10�02 154:5

Si 2:02 � 10�01 2:22 � 10�01 �8:9

P 2:20 � 10�03 1:78 � 10�03 23:6

S 7:77 � 10�02 1:13 � 10�01 �31:4
Cl 4:53 � 10�04 4:36 � 10�04 3:8

Ar 1:17 � 10�02 1:94 � 10�02 �40:0

K 1:80 � 10�04 2:32 � 10�04 �22:4

Ca 6:94 � 10�03 1:31 � 10�02 �47:0

Sc 3:31 � 10�06 4:51 � 10�06 �26:8

Ti 1:75 � 10�04 2:33 � 10�04 �25:0

V 2:25 � 10�05 3:05 � 10�05 �26:3

Cr 1:78 � 10�03 2:96 � 10�03 �40:0

Mn 8:79 � 10�04 1:22 � 10�03 �27:8

Fe 8:73 � 10�02 9:05 � 10�02 �3:6

Co 6:48 � 10�04 4:49 � 10�04 44:1
Ni 5:71 � 10�03 4:36 � 10�03 31:1

Cu 4:45 � 10�04 4:05 � 10�04 9:9

Zn 1:13 � 10�03 7:54 � 10�04 50:5
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Figure 4.21: The �gure shows the mass-radius relation at various stages starting

from the end of central Carbon burning (black line) up to the moment of the

collapse (green line).
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Figure 4.22: The �gure shows the �nal mass-radius relation (blue-lne) together

to the �nal Ye distribution (red line).



123

H He 

C 

N 

O 
F 

Ne 

Na 

Mg 

Al 

Si 

P 

S 

Cl 

Ar 
K 

Ca 

Sc Ti V 
Cr 

Mn 

Fe 

Co 
Ni 

Cu 

Zn 

-100

-50

0

50

100

150

200

250

Figure 4.23: The �gure shows the percent di�erence between C4 and C2 ejected

yields.

medium. Table 4.3 and �g. 4.23 show a comparison between the yields produced in

the two cases.

In table 4.3 we report the total amount of each element spread in the interstellar

medium and the percent di�erence, for each element, between the two cases. The

total mass ejected is 23:08 M� for C4 and 22:57 M� for C2, this means that the

contracting neutron star, resulting after the explosion, will have a larger mass in the

C4 case. Since the C4 model has a double amount of carbon than the C2 one, then

the ejected matter has a larger (35:4%) amount of carbon so as other nuclei produced

in the carbon burning; in particular Neon, Sodium, Magnesium, Alluminium, and

less Phosphorous and Chlorine. On the contrary, the C2 model ejects more Oxygen

(28:3%) and so, also, more Silicon, Sulphur, Argon, Potassium, Calcium, Scandium,

Titanium, Vanadium, Chromium and Manganese, since they are the main product
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of the explosive oxygen burning. Note that the di�erence in Si amount is lower than

the other nuclei, since a more abundant Ne, in the C4, produces more silicon in its

burning. In �gure 4.23 we show the details of the di�erence in ejected yields.

In conclusion of this section it worth noting that, whatever is the responsible,

the 12C(�; )16O reaction rate or the convective treatment, at the moment we have

large uncertainty in the C (O) abundance at the end of helium burning. This uncer-

tainty directly reects on the expected �nal yields. Again, a better knowledge of the

12C(�; )16O reaction rate could help in the choice between the two scenarios, since

it would reduce the degrees of freedom of the problem.

4.4 The measurement of the cross section of the

12C(�; )16O reaction

From an experimental point of view, despite the enormous e�orts devoted to the mea-

surement of this cross section, the corresponding rate at astrophysical energies is still

now far from being well established. In the past twenty-�ve years many experiments

have been performed, most of them based on the detection of -rays from � capture

in direct or inverse kinematics [37, 83, 84, 79, 66, 77, 78, 90]. All these measurements

extend to a minimum energy of about 1 MeV : below this energy, the extremely

small value of the cross section (< 10 pb ) hampers direct detection of -rays and

extrapolation procedures (see section 2.3) have to be used in order to extract the

astrophysical S-factor at the relevant energies (E0 = 300 keV for T9 = 0:18). The

cross section around the Gamow peak is dominated by four contributions: the E1

amplitudes due to the low-energy tail of the 1� resonance at Ecm = 2:42 MeV and

to the subthreshold resonance at �45 kev, and the E2 amplitudes due to the 2+ sub-

threshold resonance at �245 keV and to the direct capture to the 16O ground state,

both with the corresponding interference terms (�g. 4.24).

For the purpose of the extrapolation, based on the �tting of di�erential cross

sections in the investigated region, also the interference between the incoming partial
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Figure 4.24: Level scheme for 16O with the corresponding excitation func- tion

for 12C(�; )16O reaction.

waves contributing to the two multipoles has to be taken into account. Also, the

decay to the �rst excited state has to be included, while a possible non radiative

0+ ! 0+ decay should be considered. As far as a consistent description of the

E1 interference terms, it should be noted that in order to constrain the phases of

di�erent amplitudes, data should be taken at energies well above the 1� resonance,

where the competition with the background arising from the 13C(a; n) reaction (or

other neutron-producing reactions in inverse kinematics studies) makes cross section

measurements very diÆcult. Note that using all the available experimental points

(�g. 4.25) the extrapolation does not foresee an unique picture. Indeed, using the

R-matrix method ([46]) the choice between constructive and destructive interference

is not unambiguous (�g. 4.26). In order to �x all the direct capture parameters in

this extrapolation measurements at energies larger than 3 MeV are also needed.

The above arguments make the extrapolated values of S(300) very uncertain. A

global analysis [17] of all available data (surface �t) including  decay following �
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interefence between the resonances: constructive (blue line) and distructive

(red line).



127

HeliumHelium
burning burning 
rangerange

The 
12
C(α,γα,γα,γα,γ)

16
O reaction rate

0

1

2

3

4

5

6

7

8

0,1 0,3 0,5 0,7 0,9
T(T9)

N
A
<

σ σσσ
v
>
/
N
A
<

σ σσσ
v
>
8
8

Bu9
6MAX

Bu96MIN

CF85
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(CF85) and of Buchmann (Bu96max and Bu96min) and that of Fowler of 1988

(CF88) as a function of the temperature.

capture from 12C, elastic scattering of � particles from 12C and � emission following

�� decay of 16N [18, 6] and choosing the constructive picture for interference yielded a

wide range (from 62 keV b to 270 keV b ) for the extrapolated S-factor. These values,

for T9 = 0:18, correspond to a minimum and maximum reaction rates of 0:5 � 10�15

and 2:2 � 10�15cm3=(mol � s), which can be compared to the data reported in the

compilations of CF88 (NA�v = 0:8 � 10�15cm3=(mol � s)) and CF85 (NA�v = 1:9 �

10�15cm3=(mol�s)), which have been used in stellar evolution calculations described in

previous sections. Finally, a recent compilation [3] yieldsNA�v = 0:9�10�15cm3=(mol�

s) and NA�v = 2:1 � 10�15cm3=(mol � s) as lower and upper limit for the reaction

rate.The adopted value is NA�v = 1:5 � 10�15cm3=(mol � s) (�g. 4.27).
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4.4.1 The RMS method for 12C(�; )16O reaction

The possibility to avoid systematic errors associated to the detection of -rays, is

indicated by the use of the RMS method in the study of this reaction. Considera-

tions similar to those used for the 7Be(p; )8B, can be invoked to support the idea to

measure the 12C(�; )16O cross section in inverted kinematics with the Recoil Mass

Separator method. The experimental requirements are, obviously, di�erent, e.g. the

kinematics of the reaction is deeply di�erent. We can summarize in �ve points the

peculiarities of the 12C(�; )16O reaction which require an improvement of the appa-

ratus for the measurement using inverted kinematics and RMS method:

1. Angle acceptance - at 1 MeV center of mass energy the angular dispersion

is � = 1:5Æ. In an extended gas target, such as the one used for 7Be(p; )8B,

this opening angle would be too large to match the acceptance of collimators.

Moreover the mechanical constrains of such a design would inhibit the location

of the �rst focussing element close to the reaction region, so that the recoil beam

size would require very large polar expansions. In order to minimize the beam

dispersion the adopted solution was a jet gas target.

2. Momentum acceptance - at the same energy the momentum dispersion is

�p=p = 5 %. As we have seen the acceptance of the Naples Recoil Mass Sepa-

rator is smaller. A new design of the layout of the separator is then necessary,

in order to transport 100 % of 16O recoils up to the telescope.

3. Charge state choice - at the energies of interest the 16O recoil charge state

distribution is peaked around values of q around 2 to 4, far below the minimum

charge state not accessible to the 12C beam. This hampers the use of this

feature to help in the suppression of the leaky beam and additional dispersive

elements have to be added to achieve the desired suppression factor.

4. Beam puri�cation - the 12C beam emerging from the accelerator is accompa-

ined by a contamination of 16O ions with a continous energy spectrum (because
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of charge exchange processes in the accelerator tubes) which, after the selec-

tion at the analysing magnet has the same magnatic rigidity of the beam, and

then of the recoiling nuclei. These contaminants would be transported through

the separator together with recoils and would then give rise to undistiguishable

events in the �nal detector.

5. Beam suppression factor - the very small cross section at low energy implies

a Nr=Nel ratio (section 2.4) of the order of 10�18. This in turn requires a beam

suppression of this order of magnitude.

For the above reasons, and since we need an intense beam - the cross section is of

the order of 10�12 b -, we can not measure this reaction with the TTT-3 machine

in Naples, while the Dynamitron Tandem of the Ruhr University has the necessary

characteristics. The design and the implementation of an upgraded RMS at the DTL

has then been undertaken three yers ago, and the installation is underway.

Recently the ERNA (European Recoil for Nuclear Astrophysics) collaboration

has performed the �rst beam speci�cation and puri�cation test [86, 87]. Here we will

briey report the results of these test experiments. Fig. 4.28 shows schematically the

4 MV Dynamitron Tandem accelerator in Bochum together with the ERNA recoil

separator elements.

In RMS approach, the reaction is initiated in inverted kinematics, 4He(12C; )16O,

i.e. a 12C ion beam is guided into a windowless 4He jet gas target and the kinemat-

ically forward-directed 16O recoils are detected downstream on the beam line. The

direct observation of the 16O recoils requires an eÆcient recoil separator to �lter out

the intense 12C beam particles from the 16O recoils (see the above point �ve): the

number of 16O recoils per incident 12C projectile is 1 � 10�18 for � = 1 pb and a target

density n(4He) = 1 � 1018atoms=cm2. The recoil separator must also �lter out beam

contaminants, small-angle elastic scattering cross section products, and background

events from multiple scattering processes leading to a degraded tail of the projectiles.

Reaching a beam suppression factor suÆciently high the 16O recoils can be counted
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Figure 4.28: Schematic diagram of the 4 MV Dynamitron tandem accelerator

with relevant components and of the experimental setup (WF = Wien Filter,

FC = Faraday cup, A = aperture) representing to a large extent the ERNA

setup.
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directly in a �E �E telescope placed in the beam line at the end of the recoil sepa-

rator. As already said in the �rst two points, each elements between accelerator and

telescope must have an angle acceptance larger � = 1:5Æ and a momentum accep-

tance larger than �p=p = 7%. Theoretical calculation has been done [87] in order

well placed all the elements satisfying above requirements (�g. 4.29).

Since the 12C projectiles and the 16O recoils have essentially the same momentum

and since the 12C ion beam emerging from the accelerator passes a momentum �lter

(analysing magnet), a nearly complete elimination of any 16O beam contaminant in

the 12C ion beam incident on the 4He gas target is of utmost importance: the 16O

beam contaminant and the 16O recoils cannot be distinguished in the recoil separator,

because both have the same momentum (see �g. 4.30 panel a and b). For these

reasons two velocity �lters have been placed before the jet gas target (WF1 and

WF2 in �g. 4.4). Using Wien �lters WF3 and WF4 (�g. 4.28) the 16O recoils

are puri�cated by the leaky 12C beam (see panel c of �g. 4.30). The experiments

indicate that a free choice of the charge state for the 16O recoils is possible (above it

has been used q12C = q16O = 3+ ). The, only, exception is the charge state combination

q12C = 3+ and q16O = 4+ , for which the momenta and velocities of 12C and 16O are

identical (due to their mass ratio 3=4) and thus no �ltering is possible with ERNA.

The total puri�cation factor of the 16O contamination of the 12C incident beam

is PWF1PWF1 < 2 � 10�18, while that of the 12C2+ leaky beam contamination of the

16O3+ recoil is Rrec = 5 � 10�18. This equipment should allow us to measure the

cross section down to an energy of E = 0:7 MeV , detecting directly the 16O nuclei,

in this way the possible systematic errors are minimized. The experiment will start

taking data at high energy side (Ecm � 3 MeV ) at the beginning of the 2001. Then

the experiment will continue with run at lower energies in order to minimize the

uncertainty in the unavailable extrapolation down to 300 keV for S factor. To better

determine the E1 component and, by subtraction, the E2 one the ERNA collaboration

plans to implement a BaF2  detection array around the gas target and then perform

a recoil- coincidence, that will produce almost background free spectra. Adding
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Figure 4.29: Samples of the resulting 16O3+ trajectories in the two orthogonal

directions perpendicular to the beam axis, are shown for (a) E = 0:70 MeV

(q0 = 3+, �max = 1:9Æ, �E = 0:13 MeV ) and (b) E = 5:0 MeV (q0 = 6+, �max = 1:0Æ,

�E = 0:44 MeV ). The trajectories start at the jet gas-target (4He target density

= 1 �1018atoms=cm2) and are followed through the �ltering and focusing elements

of ERNA (indicated by square boxes) up to the telescope (WF = Wien Filter,

QS = quadrupole singlet, QD = quadrupole doublet, QT = quadrupole triplet,

MD = magnetic dipole).
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+

Figure 4.30: The �E�E identi�cation matrix for a 12C3+ ion beam of 10 MeV is

shown with (a) WF3 tuned to v(16O) = 3=4v(12C) and (b) WF2 tuned to v(12C)

and WF3 tuned to v(16O). In the case (a), the injection magnet of the ion source

was set at mass 12, and in the case (b) it was set at mass 16: the contaminant
16O beam appears at the same point in the matrix. Another identi�cation

matrix for the above 12C ion beam is shown in (c) with WF1 and WF2 o� while

WF3, the dipole magnet, and WF4 were tuned to v(16O). The dashed curves

correspond to the expected locations of 12C and 16O ions in the matrix.
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these informations to that coming from high energy for the direct capture one can

better constrain the �t at astrophysical energies.

4.5 Charge states of 16
O

Since the knowledge of the equilibrium charge state distribution is crucial to de-

termine the nuclear cross section using the recoil mass separator technique, we have

performed at the TTT-3 Naples machine a series of measurements of 16O charge state

distributions 1. Indeed, reminding equation 2.21:

�r(Ecm) =
Nr

Nel

leleff
lab(
cm=
lab)

(�q "r)
�cm(�; Ecm) (4.1)

we have to know the abundance of the selected �q charge state coming out from the

gas target with the highest possible precision. We have already underlined (section

3.2.1) that we need not only the equilibrium charge state distribution, but, also, the

dependence of the charge states on the pressure. Indeed, the 16O recoils can be created

everywhere in the gas target: therefore, if z is the reaction coordinate along the beam

axis with its origin at the entrance of the collimator, x = l� z is the path of recoils

in the gas during which, because of the interactions with atomic electrons, they can

change their charge state, eventually reaching the equilibrium if the thickness is large

enough. In any case the path length x (with 0 � x � l) at pressure p0 is equivalent

to a path length l at pressure p (with 0 � p � p0). It is then possible to study the

dependence of the recoil charge state distribution at the exit of the gas target as a

function of the reaction coordinate z by measuring it for a �xed path l as a function

of pressure. As we are interested in 16O recoils, we have used 16O beams from the

accelerator with di�erent energies and initial charge states to simulate the process

taking place since the formation of the recoil in the actual experiment. During the

measurements we changed the pressure of the helium target between 0 and 5 mbar.

1This experiment has been partially supported by the Federico II University of Naples, by means

of the so called "Progetto giovani ricercatori".
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Faraday cup. The values

fq =

Iq
qP
q
Iq
q

(4.2)

yield the probability of charge state q for a given energy, incident charge state and gas

pressure. The behaviour of the f 0q's versus the pressure shows how the charge state

distribution approaches the equilibrium one with increasing tickness of the target,

while the fq's at suÆciently high pressure as a function of q display the equilibrium

charge state distribution.

In tables 4.4, 4.5 and 4.6 we report the results of all the measurements which we

have performed. The �rst thing which is worth to note is that for pressures larger

than 0:1 mbar the outgoing charge states reach the equilibrium distribution. This

indicates that in all cases the equilibrium thickness is � < 9:1 � 1016atm=cm2. Fig.

4.31 shows the equilibrium charge state distributions considering data with pressure

larger than 0:1mbar for the three energies taken into account. The lower is the energy

the lower is the most abundant charge state. In particular for E = 5:2MeV the most

abundant are the 3+ (33:5 %) and 4+ (43:0 %) states, while for E = 2:2 MeV are

the 1+ (20 %), 2+ (43 %) and 3+ (30 %).

Figures 4.35, 4.34 and 4.33 show the outgoing charge state distribution as a func-

tion of the pressure for the di�erent energy beams and incident charge states. Since

the incident beam, interacting with helium, can receive or release one electron with

cross sections �+ and ��, the outgoing distribution is progressively shifted from the

initial, one peaked around the incident charge state, towards the equilibrium one.

The evolution of the charge state distribution versus particle thickness is described

by a coupled di�erential equation system:

fq(�)

d�
= ��q�1fq�1(�) + �+q+1fq+1(�)� fq(�)(�

+
q + ��q ) q = 0; z (4.3)

where fq is the number of particles with charge state q, � is the target thickness in

atm=cm2 and �+q and ��q are the cross sections of one electron gain or loss process

rispectevely, considering the charge state q. Note that the initial condition is given
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by the measurements at � = 0, i.e. gas target hempty. We have solved numerically

the equation system 4.3, leaving as free parameter the cross sections �+ and ��

for each charge state. Then, by compariison of the calculated values for fq(�) with

the values measured at pressure p = (� p0)=(n0 l) (with p0 and n0 atmospheric

pressure and number density), the free parameters can be determined. The �t to

experimental data has been performed by a program which minimizes the �2 de�ned

as �2 =
P

j

�P
i

(N�i
�fq(�i))

2

�Ni

�
qinc=j

. The �t was performed simultaneously for the data

corresponding to the same energy but di�erent initial charge states. The results are

shown in �gures 4.35, 4.34 and 4.33. In can be seen that, for each incident energy,

the same set of charge-exchange cross sections is able to �t the data corresponding

to all incident charge states. The �+ and �� values extracted are shown in �g. 4.32,

where it is possible to see that the probability to capture (�+) an electron decreases

with the increasing charge state q of 16O; the contrary is true for the transfer of

an electron. Moreover, when the �+ and �+ cross sections have similar values then

the corresponding charge state is the most populated (in �gure it corresponds to the

crossing of the two cross sections).

Summarising, the results for equilibrium charge state distribution indicate that

the 2+, 3+ and 4+ charge states for 16O recoils should be used for the cross section

measurements at the energies of 2:2 MeV , 3:2 MeV and 5:2 MeV respectively. Con-

cerning the pressure dependence of the recoil beam charge state distribution inside the

gas target, it has to be noted that the equilibrium thickness is smaller, for the system

investigated at the energies of interest, than the target thickness which is planned to

be used in the jet gas target. However, if the cross section at the energies relevant for

the measurements has resonances, one has to take into account the change induced by

some non equilibrium e�ects in the charge state distribution. Indeed, because of the

presence of the resonance also very small di�erences in the distribution could have

large e�ects in the determination of the cross section to determine. In the case of at

cross section since the di�erence between gas target thickness (� 1018 atm=cm2) and

the equilibrium thickness (� 9 � 1016 atm=cm2) is large then it is possible to consider
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that the charge state distribution is at the equilibrium.
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Figure 4.34: The �gure shows the outgoing charge state distribution as a function
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Conclusions

In this thesis we have presented a new comprehensive study of two nuclear astro-

physical S-factor (from both the experimental and theoretical points of view) which

are of overwhelming importance in stellar astrophysics and, in turn, in fundamental

physics. The �rst one, the 7Be(p; )8B, is of crucial importance for the solar neutrino

problems and hence to improve our basic knowledge about the physics of the neu-

trino and of its possible oscillation within the MSW framework. The second one, the

12C(�; )16O reaction rate, plays a key role in almost all the advanced evolutionary

phases of stars in a very wide mass interval.

We have estimated the expected neutrino ux from the Sun using the FRANEC

evolutionary code and, by the comparison with the data of the �ve solar neutrino

experiments, we have veri�ed that there is no "astrphysical" nor "nuclear" solution

for the so called Solar Neutrino Problem. It is not possible to solve this problem using

the uncertainties in the physics and the nuclear inputs of the standar solar model;

indeed, varying both the opacity and the nuclear cross sections we �nd an increase of

the di�erences between the expected and measured uxes. Moreover the possibility

of the existence of Non-Standard Solar Models seems to be ruled out by the good

agreement between SSM and helioseismological data. We need a neutrino physics

beyond the standard electroweak model to change the neutrino energy spectrum after

the neutrinos are produced in the center of the sun. The 7Be(p; )8B reaction can

inuence the interpretation of solar neutrino uxes in the framework of the oscillation

theory, in particular considering the MSW theory. Using the NACRE value S17(0) =

(21�2) eV b for the astrophysical S-factor of the 7Be(p; )8B reaction we �nd a large

147
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(sin22� = 0:977 and Æm2 = 5:11 � 10�5 eV2) and a small (sin22� = (6:69+0:36�0:34) �

10�3 and Æm2 = (3:54 � 0:12) �10�6 eV2) mixing angle solutions in the framework

of the MSW theory.

We have performed a new direct measurement of the absolute cross section of

the 1H(7Be; )8B reaction in inverse kinematics at Ecm = 990 keV using a novel

approach: the Recoil Mass Separator method. We have accelerated a 7Be radioactive

beam using an hydrogen gas target, and measuring simultaneously the scattered pro-

ton ions at 45Æ and the 8B recoils. To obtain the absolute value of the cross section

taken into account we measured the elastic scattering cross section of the 7Be + p

elastic reaction and we �nd the value at the angle of 45Æ:

�cm

�Rcm
(45Æ; 990 keV ) =

�cm

�Rcm
(45Æ; 954 keV ) = 1:01 � 0:09

Finally, we �nd an astrophysical factor of S(0) = (15:3�4:5) eV b, i.e. 30% smaller

than the generally adopted vaue, which is S(0) = (21 � 2) eV b. The inclusion

of this value in the computation of solar models shows that a comparison between

the theoretical predictions and the observation selects the small angle solution in the

MSW framework for the solar neutrino problem; indeed, the �2 minimum for the

large mixing angle is suppressed. The values of this solution are:

sin22� = (3:73+0:32�0:33) � 10�3 and Æm2 = (3:53 � 0:12) � 10�6 eV2.

Concerning the second process, i.e. the 12C(�; )16O, we have discussed the ex-

perimental apparatus which has been set-up in Bochum by the jointed e�orts of the

Naples and bochum groups. The measurements of the cross section will start at the

beginning of 2001. We have however extensively discussed how the new measurement

will impact the stellar evolution models. Since this process works in a convective

environment, we have, �rstly, analyzed all the possible convective mechanisms active

during the helium burning for the low mass and massive stars. Performing the evo-

lution of stars in the mass range 0:8 �M=M� � 25 and adopting two values for the

12C(�; )16O cross section within the presently accepted uncertainty range we �nd

these results for the central He burning phase:
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1. the central He burning lifetime increases by less than 10% by changing between

the low and the high value of this cross section;

2. the path followed by the stars in the HR diagram is essentially una�ected by

such a change, apart from an upward shift (by almost one solar mass) of the

upper mass limit which separates stars which experience a blue loop in the He

burning phase from those which don't;

3. the timescales on which these stars move along their path in the HR diagram

is not a�ected by a changing of the cross section in the quoted range;

4. the C abundance left by the He burning signi�cantly depends on this rate.

Concerning the inuence of the convective core on the �nal Carbon abundance left

by the He burning we �nd that, as a general rule, it does not depend at all on the

behavior (and size) of the convective core if its outer border does not vary in mass

in the latest phases of the central He burning (i.e. when the central He drops below,

say, 0.1 dex by mass fraction). On the contrary, the adoption of whichever mixing

scheme which would allow a changing of the convective core during the latest phases

of the central He burning would have a big impact on the �nal C abundance. As a

consequence of this last point we stress that it is not wise to discuss the evolutionary

phases beyond the He burning in terms of eÆciency of this rate but only in terms of

the C abundance left by the He burning. Only a better knowledge of this cross section

and/or the physics of convection could help in removing the degeneracy between these

two components. We also prolonged the evolution of the two 25 M� stellar models

(evolved by adopting once the low and once the high value of the 12C(�; )16O cross

section) up to the core collapse and computed the relative �nal explosive yields. Our

main results are that the intermediate-light elements, Ne, Na, Mg and Al (which are

produced in the C convective shell) scale directly with the C abundance left by the

He burning because they descend directly from the amount of fuel available (i.e C and

or Ne). All the elements whose �nal yield is produced by any of the four explosive

burnings (complete explosive Si burning, incomplete explosive Si burning, explosive
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O burning and explosive Ne burning) scale inversely with the C abundance left by the

He burning because the Mass-Radius relation in the deep interior of the star steepens

as the C abundance reduces.

Since the knowledge of the charge state distribution is of fundamental importance

in the Recoil Mass Separator method, we have studied the variation of the charge state

distribution of 16O as a function of the pressure and considering di�erent incident

energies in the relevant range for the measurement of the 12C(�; )16O cross section.

We have shown that the charge state distribution reaches the equilibrium for p >

0:1mbar (or equivalently for a thickness of 9:1�1016atm=cm2) and we have measured

the equilibrium charge state as a function of the incident energy. For pressures lower

than p < 0:1 mbar we have studied the evolution of the charge state versus the

pressure.
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